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Outline
1h lecture composed of material from my current ‘Interferometry’ course at University of Groningen.
Course book Thompson, Moran and Swenson (TMS).
Topics, concepts, jargon:
— Single dishes - primary beam
— Focal plane arrays - Aperture arrays
— Interferometry
— uv-plane
— Van Cittert-Zernike relation
— Well-known synthesis arrays
— Synthesis pattern, PSF
— Imaging and (de)convolution
— Sources of errors: telescopes, atmospheric, non-isoplanaticity, software,…
— Types of errors: additive/multiplicative, uv-plane vs image-plane
End with show of some synthesis images including error patterns, e.g.
— (very high) dynamic range
— wide field imaging

Following lectures:
Measurement Equation, calibration, polarization, wide-field imaging, ionospheric effects, …
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Founding fathers of radio astronomy
The first radio telescopes were simple telescopes build and operated by the same man. They had
rather poor angular resolution, but nevertheless sufficient to open the radio window. Already during
the war the enormous scientific potential of the radio window (‘no effect of dust !) was realized by
Oort. The prediction and discovery of the 21cm spectral line of neutral hydrogen by van der Hulst in
1944 played a crucial role in the development of radio astronomy in the Netherlands which continues
till today !
Karl Jansky (~1932)

Grote Reber (~1940)
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Properties of single dishes
Note that each interferometric array is
composed of elements that can, often are, being
used as a single dish.

•
•
•
•
•
•
•
•
•
•
•

aperture=collecting area
dish resolution: HPBW ~ 1.3 λ/D
HPBW depends on feed ‘illumination’
main beam (efficiency), sidelobes, backlobes, spillover, blockage
(aim for) surface rms errors σ less than about 0.05 λ
Ruze efficiency formula: G = e -(4πσ/λ)^2
effective area: Aeff typically 40-70% of Aphysical
telescope size is limited by gravity (and cost ∝ D2.7)
pointing accuracy important (thermal deformations, wind load, ....) --> gain !
adaptive correction of surface: e.g. GreenBankTelescope - laser dish metrology
different focii possible (next slide)

Single dishes have limited angular resolution (λ/D) --> interferometers
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Giant radio telescopes of the world
•
•
•
•
•

1957
~1970
~1970
~1970
~2000

76m Jodrell Bank, UK
64-70m Parkes, Australia
100m Effelsberg, Germany
300m Arecibo, Puerto Rico
100m GreenBank Telescope, USA
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FAST, the Five hundred meter Aperture Spherical Telescope
China,
Guizhou province
ready ~2012
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Telescope and feed designs
•

Mechanical telescope constructions
– equatorial mount (WSRT)
– alt-az mount (VLA, most telescopes)

•

Focus arrangements
– Prime
– Cassegrain
– Nasmyth
– Offset-Gregorian

•

FPA - focal plane arrays
Two concepts: feed-arrays and phased-arrays
– Parkes: 13-feed array
– Arecibo: 7-feed array (‘ALFA’ )
– JCMT: SCUBA I/II bolometer (mm) arrays
– WSRT focal plane phased array (planned)
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Focal Plane Arrays
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8x8 FPA in WSRT prime focus
APERTIF = APERture Tile In Focus
Increasing the surveying speed by a factor ~ 5 - 25 (depends on Tsys)
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Aperture Arrays versus Reflectors

Physical
delay
Receiver

Receiver array

Receiving array

Combiner
Parabolic reflector
(mechanical)

Artificial delay

Output
Aperture Array
(electronic)

Parabolic reflector with array feed
(hybrid: mechanical & electronic)
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Aperture Arrays
Aperture arrays make up a large physical aperture by combining (phasing) elements e.g. (groups of) dipoles. Aperture arrays have existed for a long time but are undergoing
a renaissance and many aspects are being pioneered at ASTRON in Dwingeloo.
Dipoles are positioned above a
groundplane to increase gain
and produce a ‘null’ towards the
horizon. The effective collecting area of an isolated
dipole is about 1/3 λ2. This shows why they
are popular at long wavelengths, i.e. low frequencies.

However, they may also be cost-effective at higher
frequencies, possibly up to ~ 1 GHz.
With the THEA and EMBRACE (SKADS) designs ASTRON explores these applications
Near-future aperture arrays working at frequencies from 10-300 MHz are:
– LOFAR, LOw Frequency Array (Exloo, The Netherlands)
– MWA, Murchison Widefield array (Murchison, West Australia)
– LWA (Long Wavelength Array, New Mexico, USA)
.
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The Michelson interferometer
Michelson was the first to use interferometers to
obtain higher angular resolution. He did this more
than a century ago, in the optical, trying to measure
the diameter of stars!
Using the setup shown on the right he determined
the contrast of the interference fringes when two
beams of light were made to interfere. A pattern of
dark and bright bands appeared affected by
atmospheric turbulence, vibrations, diffraction etc
but he succeeded in getting quantitative measures.
He defined the fringe visibility:

If VM was observed to be less than unity, the
source had to be resolved: different parts of the
source lead to destructive interference.
The visibility is related to the Fourier transform of
the brightness distribution as we will see.
Michelsons work is the origin of the practical
concept of visibility, central to modern
interferometry.
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The adding interferometer
In the early days of interferometry adding interferometers
were used. They illustrate well how interferometers work.
If E is the electric field strength of a pointsource at infinity,
ω (= 2πν ) the angular observing frequency and V and N
represent signal and noise voltages, the induced voltage
in an antenna then equals:
(1)

V(t) ∝ E sin(ωt) + N(t)

When we add the signals of two separated antennas, and square the output, we get a
response R
(2)

R ∝ (V1 + V2)2 = V12 + V22 + 2 (V1 x V2)

We then substitute (1) in (2) and average over a time interval t >>> 1/ω. The V12 and
V22 terms are very large compared to the crossterm and include the noise terms N12
and N22 ; these will drift slowly with time due to receiver gain drifts. The time averages
<N1x N2>, <N1xV2> and <N2xV1> contain uncorrelated fluctuations, hence all go to
zero and we are thus left with a product that contains the wanted information
(3)
R ∝ V1 x V2
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The multiplying interferometer
In modern correlators the cross product V1 x V2 is
measured directly and digitally. The response R
becomes:
R(t) ∝ E2 sin(ωt) sin(ω(t-τg))
where τg is the geometric delay between the signals
from the two legs of the interferometer. As the figure
shows:
τg = D sin(θ)
This delay can be expressed in units of seconds, meters, wavelengths and each of
them is useful depending on the point one wants to get across:
- If we want to discuss the coherence of the radiation field then the delay in seconds is
the instructive unit. A signal of 1 MHz bandwdith will have a temporal coherence of about
1 microsecond hence the signals must be ‘aligned’ accurately if we want to see correlated
fluctuations.
- If we want to know how much physical delay we have to insert (this could be up to
1400m of coax cable in the first ~10 years of WSRT operations).
- If we want to know what angular resolution we have achieved, the most useful unit is
wavelengths (τg is related to the D/λ of our interferometer). We will often write Dλ when D
is expressed in wavelengths.
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The fringe function of an interferometer
Expanding the equation, and noting that E2 is a measure of the power of the source
(the flux density S), we arrive at:
R (t) ∝ S {cos(ωτg) - cos(2ωt).cos(ω(t -τg)) - sin(2ωt).sin(ω(t -τg)) }
The rapid oscillatory terms with cos(2ωt) and sin(2ωt) average out after a time t such
that 2ωt >>1 and we are left with a simple relation:
R (t) ∝ S cos(ωτg)
Substituting the equation for the geometric delay we get:
R (t) ∝ S cos(2πDλsin(θ))

The function cos(2πDλsin(θ)) is called the
fringefunction of an interferometer.
The fringe function, which projects a stationary
pattern on the sky, shows how the phase
of the correlated signal changes with time
as the source drifts through the pattern.
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The effects of a finite bandwidth
To increase the sensitivity of radio interferometers which is possible only when observing a source
emitting broadband (=continuum) noise - we want to
observe with as wide a frequency band as possible
However, there is a price to pay. Broad frequency bands
will introduce all kinds of ‘nasty’ effects. In the last
equation for the fringefunction we have to perform an
integral over a finite frequency band. The response R(t)
then gets multiplied with a sin(x)/x term, also knows as
a ‘sinc’ , if we have a rectangular passband.

A Gaussian passband response causes a Gaussian
decay.The rectangular and Gaussian responses are
shown on the right. In modern correlators we split up the
band in many sufficiently narrow channels to avoid the
loss of fringe contrast. This is especially important when
we want to do all-sky imaging.
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From a ‘point’ source to an extended source
For two sources a small angular distance apart (we still consider the 1-dimensional
case) we will get destructive or constructive ‘interference’ if the angle between the two
sources Δθ ~ λ/D as can be readily seen from the formula for the response:

For an arbitrary source brightness distribution B(θ) the response becomes:

If the source brightness distribution B(θ) is significant compared to the response of the
telescope P(θ) we also have to multiply B(θ) with the beam response.
To measure both the amplitude and the phase of the correlated signal we have to create
two signal paths by multiplexing the signal. In one of the paths we introduce a 90o
phaseshift. We then get a sin response rather than a cos response.
Combining these and transfering to complex notation we get :
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Going from 1 to 2 dimensions
The phase term in the fringefunction depends on the
change of delay as a function of time. For earth-based
arrays this change is due to the rotation of the earth.
We now introduce two coordinate systems:
1) The array coordinates are designated with the
letters u,v,w and represent a righthanded Cartesian
coordinate system where w is towards the source and u
and v lie in a plane orthogonal to the w-direction: u
towards the east and v towards north.
2) Near the target (in direction s) we define a plane with
orthogonal coordinates l,m which are angles
(‘direction cosines’) in the directions of u and v.
The geometric delay in an interferometer is the dot
product of the baseline vector Dλ and the source
direction vector s which we write as:
Dλ.s = Dλ.(so +σ )
where so is a reference direction and σ is a vector
coordinate in the plane of the sky describing the source
brightness distribution being I(σ) .
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The van Cittert - Zernike relation (I)
The term Dl.so is a deterministic product (for a given baseline and source direction) that
can be taken out of the integral, we return to it shortly. The response of the correlator
(where the digitized voltages are multiplied) can then be generalized to the following
equation:

where we perform the integration over the solid angle covered by the source. The
quantity V is called the complex visibility. Developing the above equation in the
coordinate systems introduced previously leads to a complicated integral:

Now we are going to ignore for a while the w-term (in u,v,w) and its associated phase
term in the exponent of the equation.
This simplification is allowed in small arrays if we also consider small sources and/or a
small field of view, because both l and m are then small enough such that:

can be neglected compared to the (ul+vm) component. Since (ul+vm+wn) is an angle we
make a small error the larger (ul+vm) gets. This issue will be considered in ‘wide-fieldimaging’, solving the inherently 3-D Fourier transform problem.
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The van Cittert - Zernike relation (II)
In the small angle approximation the visibility equation then takes on the simple 2-D
form:

This equation is called the van Cittert - Zernike relation who first derived it in an optical
context. The Fourier inversion of this equation leads to:

Hence by measuring the visibility function R(u,v) we can, through a Fourier transform,
derive the brightness distribution I(l,m). Therefore, the more u,v samples we measure
the more complete our knowledge of the source structure.
Each point in the u-v plane samples one component of the Fourier transform of the
brightness distribution. The points at small u,v record large scale structure and viceversa.
The fringe pattern has an orientation in the sky that is given by the location of the
baseline vector, i.e. the u-v point. The position angle of the fringe pattern is given by:
tan(p) = u/v
The normal to that pattern, the fringe normal, is the direction where we obtain good
resolution.
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The filling and tapering of the u-v plane
If we do not sample all Fourier components of the source brightness distribution we miss
information on the source..
Using Fourier theory and inspecting the van Cittert-Zernike relation we can see how an
incomplete u,v coverage will affect the imaging process. We represent the incompletenes
by introducing a grading function g(u,v) into the righthand side of the van Cittert Zernike equation.
Remembering that the FT of a product of two functions is the convolution of the FTs of
those functions - in short G * I = FT (g.R) - we end up with:

The function g(u,v) represents the filling of the u-v plane: g(u,v)=0 if we have no data.
g(u,v) may include spatial tapering to smooth out truncation at the edge of the u-v
plane.G(l,m) - the FT of g(u,v) - is called the synthesized pattern or the PSF of the
array. G(l,m) is the function with which the source brightness distribution will be convolved.
The deconvolution of images is usually done using the CLEAN technique. In this
technique the source is iteratively decomposed into components with the shape of the PSF
Especially in arrays with poor sampling deconvolution is essential.
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An East-West array
For an array of telescopes that are oriented in the E-W direction the relations for u and v
are rather simple:
u = Dλ cos(HA)
v = Dλ sin(δ) cos(HA)
where HA is the hour angle of the source: HA= - 90o in the east, HA = 0o in the southern
meridian transit.
For an E-W array the approximation of the van Cittert - Zernike relation from 3-D to 2-D
becomes an exact transformation as Brouw (1971) first showed in his thesis on the
dataprocessing for the WSRT. This can be seen by rotating the w-axis away from the
source direction towards the NCP where it becomes w’. We must then also redefine the u
and v coordinates to keep them orthogonal and end up with a coordinate system where
u’,v’ lie in the earth equatorial plane.
The image plane (l’,m’) then becomes the
tangent plane to the pole (the NCP), which
is parallel to the equatorial plane (w-term
can be fully ignored).
The observed image is the projection of
the real image onto the tangent plane at
the NCP --> poor resolution in the
declination direction.
22

E-W arrays, special features
For an E-W array (like the WSRT and ATCA) the u-v tracks that traced out when the
earth rotates become ellipses centered at the origin. E-W arrays have various
properties which we summarize here:
1) After 12h observation no new information is acquired. This is because R(u,v) =
R*(-u,-v), i.e. the complex conjugate where only the phase is reversed. (To see this
position yourself on the north celestial pole (NCP) and look at a baseline on earth).
2) One does not have to worry about the w-term. That is, the Fourier Transform from the
visibilities to the image plane can be fully done in 2 dimensions even when we
consider all-sky imaging..
3) The v-coordinate, or v’-coordinate, becomes progressively smaller when we observe
closer to the equator. This means that the declination resolution becomes very poor
at low declinations.

Some other special aspects of the best known E-W array, the WSRT, are:
4) The telescope has an equatorial mount. This means that the sky does not rotate
relatively to the telescope and feed. This makes polarization work and high quality
imaging easier.
5) There are lots of redundant baselines (identical baselines, I.e. u-v points, between
different interferometers).
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uv-coverage for general (non-East-West) arrays
For (earth-bound) arrays with interferometer baselines with a significant N-S baseline
component the uv-tracks are ellipses are displaced along the v-axis. The equations
describing the u and v as a function of HA, declination and X,Y,Z on earth now require a
bit of trigonometry (see TMS Ch4). Non E-W arrays will continue to trace new u-v points
for the full 24h period (sidereal time, or 23h56min in UT !) assuming of course that the
source is circumpolar and is visible for that long.
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Phase tracking; fringe-stopping position
The amplitude and phase of the visibility can change rapidly with time as can be seen
from the formula for the fringe rate νfr . Most synthesis arrays make use of the rotation of
the earth. In that case the fringe rate is given by

where ωearth = 7.27x10-5 rad/s. Note that the fringe rate then only depends on the ucoordinate.
The fringe rate can easily be many tens of Hz (kHZ for VLBI arrays). A too long
integration time leads to decorrelation (quenched signals; this is similar to the
decorrelation caused by a wide frequency band). Shortening the integration time
means making the datavolume prohibitively large (leading to storage and postprocessing problems). Most arrays therefore continuously calculate the geometric
delay and insert it in one of the interferometer signal paths before the actual
correlation, requiring the choice of a phase centre. The fringes will then be stopped for
that position only, hence we also talk about the fringe-stopping centre.
Fringe stopping is taking care of the Dλ.so term that we discussed in an earlier stage.
Because the primary beam limits the FOV of a telescope most directions are close to the
phase-centre so we do not have to worry too much about this.
With the mini-LOFAR that we now have in Exloo we do not yet have to stop fringes and
we will show some of the observed visibility data later. Building up the LOFAR
interferometer is turning out to be very insightful and we will show this in the following
lecture.
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General recipes for uv-plane coverage
Importance of a good uv-plane:
A well-filled uv-plane is crucial for good calibration and imaging. Remember that the
synthesized beam (the PSF) is the FT of the aperture ‘illumination’. Any ‘holes’ that
remain in the uv-coverage (due to lack of data, or bad data that had to be flagged) will
lead to sidelobes. To remove them requires a deconvolution of the image.
Deconvolution will be discussed in lecture 4.
Methods to fill the uv-plane:
1) Use a large number of (reconfigurable) elements: both costly & timeconsuming.
However, the larger the array the shorter the time it will take to make a decent image.
Examples: GMRT (30), VLA (27) (multiple configurations), ALMA (50), LOFAR (~50)
2) Use the rotation of the earth to fill the uv-plane: this however requires a nonvariable
sky (but can be relaxed, as we will show later). Examples: WSRT (14), ATCA (6),
MERLIN (7)
3) Use a wide range of frequencies. Since uv-coordinates are expressed in
wavelengths all uv-points become radially extended by a factor Δν/ν ! This is
sometimes called bandwidth synthesis. An example of an array that already can and
does make use of bandwidth synthesis is the WSRT. Most future arrays plan to make
use of this. There are however some complications in the calibration (can you think of
one or two?)
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Current cm-m arrays
The arrays listed below have all undergone one or more upgrades since their
construction and will have several more (e-VLA, e-MERLIN). The WSRT, VLA and
ATCA are reconfigurable to improve uv coverage or change resolution.
Array

Since

# and size
(m)

Max baseline
(km)

Frequencies
(GHz)

WSRT
(Westerbork, NL)

1970

14 x 25

2.8

0.11 - 8.5

VLA
(Socorro, NM, USA)

1981

27 x 25

35

0.07 - 43

MERLIN
(near Manchester, UK)

1985

6 x 25-76

200

1.3 - 22

ATCA
(Narrabri, Australia)

1988

6 x 22

6

1.2 - 90

GMRT
(near Pune, India)

1999

30 x 45

25

0.15 - 1.5

Acronyms: Westerbork Synthesis Radio Telescope, Very Large Array, Multi-Element Radio Linked
Interferometric Network, Australia Telescope Compact Array, Giant Meterwave Radio Telescope
27

Current mm-arrays
The arrays listed below all continue to expand in # dishes and their capabilities. They will
continue to remain in use in the ALMA era if only because they all lie in the Northern
hemisphere. Most arrays observe up to 345 GHz (0.85mm) but the SMA can observe up
to 690 GHz (0.35mm).
Array

since

# and size (m)

Altitude (m)

Max baseline
(km)

Nobeyama mm array
(Japan)

1989

7x10

?

0.5

Plateau de Bure (PDBI)
(near Grenoble, France)

1990

6 x15

2550

0.76

Smithsonian submm (SMA)
(Hawaii)

2006

6x6

4200

0.5

CARMA (merged OVROBIMA)
(White Mountain, Cali, USA

2007

15
(6x10, 9x6)

2200

2.0
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Future arrays
The arrays of the future are mostly international arrays. LOFAR is for ~75% Dutch but
ALMA and SKA are built by global consortia. The latter will cost more than a billion Euro.

Array

From

# and size
(m)

Altitude
(m)

Max baseline
(km)

Frequency range
(GHz)

LOFAR
(NL + Europe)

2009

50x35-85

10

2-100-1000

0.010 - 0.240

ALMA
(Chile)

2010

50x12

5000

~ 10

100 - 1000

SKA
(Australia or SouthAfrica

2016

>200x~15

~500

>3000

0.070 - 25 (?)
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WSRT, near Westerbork, NL

30

VLA, near Socorro, NM, USA

31

GMRT near Pune, India

32

ATCA - near Narrabri, Australia
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WSRT: samples of uv-coverages
Note that because the
sky is ‘real’ (i.e. not
‘complex’) the visibility
function is Hermitian
(the visibility at the red
tracks are the complex
conjugate of the
visibility at the black
tracks), i.e.:
R(u,v) = R*(-u,-v)
Note that for negative
declination the WSRT is
limited in hour angle
coverage due to
elevation limits
(elevation > ~ 3o )
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VLA u-v coverage

8h syntheses at
dec +45o, +30o
and 0o
At the bottom right
is the ‘snapshot’
uv-coverage.
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Array design: optimized for uv-coverage
Keto (1997):

24 element optimized

27 element VLA
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LOFAR24 core
LOFAR rescope:
from 32 --> 24 core stations

Central collection of stations in
350m diameter array which we
call the LOFAR superstation.

LOFAR will have 2 types of
dipole-array stations which are
indicated by the blue (10-80
MHz) and red (115-240 MHz)
circles.
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uv-coverage for LOFAR LBA (core only)

25 stations
4h synthesis
+45o

38

uv-coverage for LOFAR HBA

25x2 stations
4h synthesis
+45o
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Errors in synthesis images
Task: how to get to the thermal noise !?
What are the relevant ‘noise’ or ‘error’ contributions ?


thermal noise (sky + receiver)



pointing problems --> gain errors



troposphere / ionosphere --> phase errors



RFI, receiver cross-talk



dynamic range related errors (e.g. deconvolution errors)

At low frequencies we also have:


classic confusion noise: if there is more than 1 source per ~ 20 PSFs



sidelobe noise from large # sources:



ionospheric calibration errors (highly variable !)



moving bright sources (e.g. Sun !)

~ 2 x Sminx εpsf x √N
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Error classification
Broadly speaking there are two types of errors in our data (i.e. the uv-data)
1) additive errors (RFI, ..):
R(u,v)

+ η

⇔ B(l,m) + FT (η)

--> the FT of the error signal η is added to the image. The error pattern in the image is
not correlated with the sources in the field.

2) multiplicative errors (instrumental gain, phase,..):
R(u,v) . ε

⇔

B(l,m) ∗ FT(ε)

--> the brightness distribution is convolved with the FT of the (generally complex) error
signal ε. Hence bright sources will show more noticeable errors than faint sources but in
a field with many bright sources one will recognize error patterns.
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uv-plane versus image-plane effects
WSRT, VLA, GMRT, MERLIN and certainly VLBI, is mostly affected by multiplicative errors that can
be described and removed by standard calibration.
Hence in the familiar, scalar, van Cittert - Zernike relation

we assume that the visibility V(u,v) is effected by a single G(u,v) error for sources at all (l,m).
described above we therefore say that the errors are uv-plane based.

As

With the increasing sensitivity of arrays: more bandwidth, lower Tsys, longer integration times, more
collecting area (SKA) !) this is no longer true.
Increasingly the multiplicative errors also become dependent on position within the field of view.
We then talk about image-plane effects. Well-known image-plane effects due to phase errors are
due to the ionosphere. One often refers to these as non-isoplanaticity effects. Well-known imageplane effects due to gain errors are those resulting from telescope pointing errors.
If we also want to include full polarization treatment in the above equation we run into trouble.
The Measurement Equation is the overarching mathematical model that describing the various
frequency, position, polarization and time-dependent complex gain corruptions.
Oleg Smirnov will tell you all you want to know about the ME.
How to describe, model and correct for these effects in software is one of the main challenges for the
future and one which you will learn more about this week.
.
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(Errors in) High dynamic range synthesis data
I will now finish with some examples from my own WSRT-work
and some very recent LOFAR (i.e. CS-1) work where we can see
all the noise types and errors sources in real images. This will
give you some idea about why the Measurement Equation will be
needed in the future.
The images come from synthesis data taken at wavelengths from
21cm to 6 m
I have also made use of some material from Tom Oosterloo and
Sarod Yatawatta.
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Raw and calibrated+cleaned images
WSRT image (1991, 2x12h at 21cm: peak 250 mJy, noise 0.040 mJy)
Note the grating lobes, and multiplicative gain/phase variations around bright AGN core.
Raw image

Self-calibrated image
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Deconvolution in action (Tom Oosterloo)
Simple WSRT image (1x12h) with dominant grating lobes
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Dynamic range and deconvolution
WSR 1x12h image at 141 MHz

CygA is a double source with a
flux density of about 10000 Jy !
Many background sources are
visible (< 1 Jy) so the image has
an excellent DR but there are
obvious
deconvolution problems !
This is due to the fact that
θCygA ~ PSF
(see 74 MHz VLA image below)
120”

46

Very high Dynamic Range (DR) imaging
DR = peak/noise
Can vary with position !
Six images in steps
of factor 10

3C84
21cm
WSRT, 1994
6x12h
peak 22 Jy
noise ~20 µJy
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Very high DR polarization imaging
3C84

6x12h
dec 03

Diffuse
polarization

22 Jy peak
13-18 µJy noise
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Perfect wide-field imaging at a DR of >106 :1

3C147

21cm

1x12h

2 x 2 degree

49

Position dependent calibration (aka ‘peeling’)
3C343.1
5 Jy
3C343
1.5 Jy
(apparent, 3x attenuated)

thermal noise ~ 30 µJy
=> DR ~ 100,000 : 1 required

1x12h
1175 MHz
B=10 MHz (64 ch)
(also small closure errors on
each source location)
NEWSTAR processing
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after 3 selfcals …

3C343.1

3C343

51

LOFAR ionospheric issues
Non-isoplanaticity (low freq, large FOV)
Solar cycle (next maximum ~2012)
Array scale > refractive/diffractive scale
TID’s, (Kolmogorov) turbulence
Tools/approaches:
 Bandwidth synthesis (sensitivity, freq-dependence,..)

Soho-solarcycle,

 Peeling individual sources

APOD 5 dec07

 Large scale screen modelling (MIM, Noordam)
 GPS-TEC starting model (Anderson, Mevius)
 Simulations (LIONS, van Bemmel et al)
 Utilize 2-D frozen flow approximation
 3-D tomography solutions (multiple screens/layers)
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1-D ionospheric phase slopes above WSRT

326 MHz phase-slopes
above the WSRT on
2.7 km baseline (from
selfcal solution)

Summer 2006

Abell 2255
Dec=+64o
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All-sky image at 408 MHz (~ 1o PSF)

Galactic longitude

Haslam etal (1981)
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LOFAR (CS-1) all-sky image at ~ 50 MHz
16 dipoles (~70 baselines) but
NO short baselines
--> Milky Way not visible
24h synthesis (x3)
38 - 59 MHz

(B ~ 6 MHz)

~ 800 sources !
PSF ~ 0.5o
noise ~ 1 Jy
CasA and CygA subtracted
(each ~ 20,000 Jy)
(Sarod Yatawatta, aug07)
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zoom in on NCP…..confusion limited imaging !
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3C147

116 - 162 MHz

WSRT
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Wide field imaging with the WSRT
Not only LOFAR, but also the WSRT is sensitive to the whole sky !
Below is an image POINTED to 3C196 but showing the sky above the horizon.
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The A-team in WSRT 150 MHz observations of 3C196
~5’ PSF
CasA

CygA

~ 10 Jy peakflux
- 0.1 to +0.2 Jy

TauA

VirA
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Here comes the Sun (220 MHz)
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