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Abstract

We investigate the radial behaviour of the low-mass slope of the Initial Mass Function (IMF) and
other stellar population parameters (metallicity, α-abundance, stellar age, and sodium abundance) in
17 Early-Type Galaxies (ETGs) provided by the CALIFA survey. For each system we construct four ellip-
tical annuli with different apertures and distance from the centre, to determine radial gradients. The
stellar population parameters are extracted by comparing several Lick/IDS indices with single stellar
population models using χ2 statistics. Our main results are: 1) an IMF-σ relation and relations with σ

in general are only loosely present or absent in our data. This is in disagreement with previously pub-
lished results, most likely because we use spatially-resolved data and the σ relations are all reported
in unresolved data; 2) a tight relation exists between IMF and metallicity, where to a higher metallic-
ity corresponds a larger dwarf-to-giant ratio; 3) a tight relation exists between the gradients of the IMF
and metallicity. The metallicity gradient is influenced by the merging history of ETGs, where shallower
metallicity gradients imply a history of major merging events. The IMF slope is equally dependent on
the merging history; 4) steep IMF slopes in the centres coincide with young stellar populations in the
centre. These results fit in a two-phase IMF scenario. During the first star-forming phase a top-heavy
IMF produces giant stars which die quickly and inject the interstellar medium with metals. The rise
in metallicity causes later star-formation events to follow a more bottom-heavy IMF. Furthermore, we
determine the mean radial trends of the stellar population parameters for the galaxies in our sample.
We find that a) galaxies are more bottom-heavy in the centre and shallows to sub-Salpeter at 1 Reff, b)
the metallicity declines radially with an average of -0.21 dex, and c) galaxies with young centres grow
radially older whereas galaxies with old centres show no radial age gradients. We conclude that the IMF
varies within ETGs and depends mainly on metallicity and the merging history of the system. Metallicity
might be a promising new parameter by which we can infer the IMF of a galaxy.
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Introduction

In this thesis we study the amount and distribution of low-mass stars in galaxies. Specifically we try
to find a relation between the lower mass-end slope of the Initial Mass Function (IMF) in Early-Type
Galaxies (ETGs) and other stellar population parameters (being metallicity, α-abundance, stellar age,
and sodium abundance) and aim to find what physical processes cause these relations. The IMF is a
function that describes a distribution of stellar masses that form in one star-formation event in a given
volume of space. Since most of the stellar evolutionary path is decided by its mass, all the observable
properties of a galaxy which depend on stars (e.g. magnitude, luminosity, metallicity, etc.) are highly
influenced by the IMF.

To give the reader a better understanding of the subject, we provide within this chapter a short
overview on the formation of early-type galaxies, describe their basic properties and formation histo-
ries, provide a short description of the IMF, and show some methods used to study stellar populations
within galaxies. We conclude by describing recent developments in this field and give an outline of this
thesis.

1.1 Early-Type Galaxies

Early-type galaxies comprise elliptical (E) and lenticular (S0) galaxies. They are called ’early-type’
because they sit on the left side of the Hubble sequence, which for many years has been interpreted as
an evolution diagram. The Hubble sequence is shown in Figure 1.1. These galaxies differ morpholog-
ically from the ’late-type’ spiral galaxies which are present on the right side of the sequence. Elliptical
galaxies contain little dust and consist primarily of old and red stellar populations (e.g. Clemens et al.
2006). They are generally more massive than spirals and, in fact, more than half of the total stellar mass
in the universe resides in ETGs (Gallazzi et al., 2008).

One characteristic of ETGs is that they have a smooth brightness profile which falls off with radius
and can be described by a de Vaucouleurs brightness profile, or, more general, a Sérsic Law (de Vau-
couleurs, 1948; Sérsic, 1963), which is given by

I (R) = Ieff ×exp
(−b(n)[(R/Reff)1/n −1]

)
(1.1)

Here Reff is the effective radius, which is the radius of the isophote in which half the total galaxy-
luminosity is contained, and Ieff is the intensity at that radius. b(n) is a polynomial that has been
numerically determined to be b(n) = 2.0n − 0.33 (Ciotti & Bertin, 1999). n is a free parameter (for n

1



Chapter 1 Introduction

Figure 1.1: Visualization of the Hubble sequence (Hubble, 1936). On the left side are the early-type
galaxies, which are elliptical (E) in shape. On the right are the late-type spiral galaxies. Late-types are
divided into the classes regular spiral (S) and barred spiral (SB). The lenticular galaxies (S0) were as-
sumed to be an evolutionary transition between the elliptical and spiral galaxies. The number added to
the E-types defines the ellipticity of the galaxy, whereas the small letter added to the spirals defines how
tightly wound the galaxy is.

= 4 the Sérsic law reduces to a de Vaucouleurs brightness profile).

A striking feature of ETGs is that many observable parameters hold a tight relation with the stellar
velocity dispersion (σ) of the galaxy. Faber & Jackson (1976) found two relations for elliptical galaxies,
including the luminosity-σ relation: L ∝ σ4. They concluded from the Virial Theorem that, if a galaxy
is in virial equilibrium, σ correlates with the total mass (M) of the galaxy as:

σ2 ∝ GM

R
(1.2)

where R is the distance from the galactic centre and G is the gravitational constant.

Dressler et al. (1987) and Djorgovski & Davis (1987) proposed that elliptical galaxies inhabit a Fun-
damental Plane (FP). The FP provides a relation between the effective radius, the surface brightness,
and the velocity dispersion. The FP relation allows us to estimate any of these three parameters {
log Ieff, logReff, logσ} based on the values of the other two. The FP relation is

Reff ∝σa
c 〈Ieff〉b (1.3)

where the set [a, b] are the fundamental plane parameters and σc is the central velocity dispersion.
Using the relation between luminosity, the mean surface brightness, and effective radius L = 2π〈Ieff〉R2

eff
we can define the mass-to-light ratio (Υ) of ETGs:

Υ= M

2π〈Ieff〉R2
eff

(1.4)

which results in a formula that estimates the total mass of a galaxy, given the integrated light over the
complete wavelength range of the spectra: M = 2π〈Ie f f 〉R2

e f f Υ. Combining this with Equation (1.3) we
get

Reff ∝σ2
c 〈Ieff〉−1 (1.5)

giving us the fundamental plane parameters, for a virial system, as [a = 2, b = -1]. In reality observed val-
ues differ from their ’ideal’ virial values. For example, Bender, Burstein & Faber (1992) reported [a=1.4,
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Chapter 1 Introduction

b=-0.85] for the elliptical galaxies in the Virgo cluster. Therefore it is often said that the FP of a galaxy is
’tilted’ (Prugniel & Simien, 1996; Bernardi et al., 2003; Trujillo, Burkert & Bell, 2004).

The tilt in the FP is assumed to be due to the dependence of Υ (Equation 1.4) on the different FP
parameters. In particular, tilts in the FP can be attributed to: (i) variation in the dynamical structure of
ETGs, (ii) variations of the baryonic to dark matter ratio, (iii) variations of the IMF and its accompanied
star formation history, and/or (iv) variations in the galaxy’s stellar populations.

For a given IMF the stellar mass-to-light ratio Υ∗ (which as opposed to Υ excludes other galaxy
energy components like kinematics and dark matter) depends on age, metallicity, stellar population and
wavelength (Worthey, 1994). There exist correlations between the velocity dispersion and metallicity at
fixed age (Faber & Jackson, 1976; Dressler et al., 1987; Trager et al., 2000b) and the velocity dispersion
and age (Bernardi et al., 2005; Nelan et al., 2005). From these, stellar population models predict thatΥ∗
depends luminosity and mass (given that mass correlates positively with σ), and therefore can cause a
tilt of the FP which depends on the observed wavelength (Pahre, Djorgovski & de Carvalho, 1998). This
dependence, however, is weak and not enough to fully explain the FP tilt (Bernardi et al., 2003). Bender,
Burstein & Faber (1993) extended the search by linking dynamically hot galaxies in the FP to their age
and metallicity of the stellar populations. They concluded that only the central velocity dispersion has
a large influence in determining stellar populations, where size, luminosity, and mass have a relatively
low effect.

1.2 Galaxy formation theories

Here we briefly review how galaxies (in particular ETGs) are assumed to form. The discussion on the
formation history of galaxies was dominated by two different hypotheses for structure formation. The
first proposed idea is the monolithic collapse, the assumption that galaxies form from one giant collaps-
ing gas cloud from one single burst of star formation (Eggen, Lynden-Bell & Sandage, 1962). Progress
in both theory and observations have later favoured a second formation theory: the so-called ’hierar-
chical formation model’. In accord to this model, it is assumed that a lot of small baryonic structures
are formed within Cold Dark Matter (CDM) haloes which, over time, merge together to form the bigger
structures we see today (White & Rees, 1978; Blumenthal et al., 1984).

Evidence for the hierarchical structure formation is reported by observing that massive quiescent
galaxies are much more compact (effective radius 3-5 times smaller) at redshift z ∼ 2 as compared to
ETGs in the local universe, suggesting that local galaxies grow in size through multiple minor mergers
(Daddi et al., 2005; van de Sande et al., 2013). In fact, whereas major mergers lead to growth in both size
and stellar mass, minor mergers will result in size-only growth (Naab, Johansson & Ostriker, 2009). The
observation of varying stellar ages of different components within the same galaxy, thereby implying
star formation at different epochs, and predicted size-growth of ETGs (Loeb & Peebles, 2003) further-
more suggests that hierarchical structure formation is the favoured theory for the formation history of
ETGs.

Thus we assume that ETGs form through multiple merging events. Major and minor mergers have
different effects on the internal stellar populations, population parameters, and kinematics of the galaxy.
Where major mergers will perturb the galaxies completely, the minor objects will not penetrate into the
inner regions of the galaxy and instead will accrete onto the galaxy and affect the outer regions only.
Therefore it is possible to interpret the interaction history of galaxies based on the internal distribu-
tion of stellar populations and size-growth of the galaxies (e.g. Kobayashi 2004; Kuntschner et al. 2010;
Greene et al. 2015).
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Chapter 1 Introduction

Numerical simulations of dissipative collapsing galaxies including star formation show strong ra-
dial gradients in chemical enrichment in the higher-mass systems (Carlberg, 1984), where dissipation-
less systems predict no radial gradient in chemical enrichment (Gott, 1975). During collapse the gas
is chemically enriched, flows inwards, and forms new stars; this creates the radial metallicity gradient.
This means that in the monolithic collapse model the metallicity gradient is steep with the highest val-
ues near the centre. In the hierarchical model this initial gradient can be shallowed by merging events
due to dilution of line-strengths in the pre-merger systems (Kobayashi, 2004).

Kobayashi & Arimoto (1999) used line-strengths to study metallicity gradients and reported that the
gradients do not correlate with any physical properties of galaxies including central and mean metal-
licity, central velocity dispersion, absolute effective radius, and dynamical mass. In fact, ETGs can have
different metallicity gradients even if they have nearly identical initial physical properties as mass, lu-
minosity, and metallicity. As it stands, metallicity gradients are reported to depend mainly on the for-
mation history of galaxies, hence making them a good probe for past merging events.

In current formation theories two types of (minor) mergers have been defined: (i) wet mergers,
which are gas-rich mergers of spiral galaxies (Toomre & Toomre, 1972), and (ii) dry mergers, which are
gas-poor mergers of red non-star forming galaxies (Strateva et al., 2001). The main result of a wet merger
will be a system dominated by rotation, since the gas tends to form a disk (Naab, Jesseit & Burkert, 2006),
while dry mergers will result in massive red galaxies dominated by random motion (Barnes, 1992; Burk-
ert & Naab, 2003). Therefore, stellar kinematics can be used to unravel the merging histories of galaxies.

By analysing spatially-resolved kinematics of 260 galaxies, the ATLAS3D collaboration reported that
ETGs can be divided into two kinematic families: slow rotators, which show only mild signs of rotation,
and fast rotators, which have a more regular velocity field (Emsellem et al., 2007). They reported that
85% of the ETGs are fast rotators. It is assumed that the fast rotators form with both wet and dry merg-
ers, whereas slow rotators form mainly via dry mergers (Naab et al., 2014).

Now that we have a better understanding on the possible formation histories of ETGs as well as their
effects on internal physical parameters, we begin looking at the effects the kinematics have on the stel-
lar populations.

1.3 Population studies in ETGs

Galactic and stellar spectra are by far the main source of information to infer formation histories and
stellar populations. With the exception of very nearby galaxies, where individual stars can be observed
and resolved individually, most extragalactic spectra are unresolved and stellar population studies are
done by looking at the integrated light, the full Spectral Energy Distribution (SED), from all the stars in
a galaxy.

It is proposed that the galaxy spectra can be broken down into one or more Single Stellar Popula-
tions (SSPs). SSPs are stars born at the same time which have the same initial elemental composition
with fixed stellar population parameters (e.g. metallicity and temperature). By comparing the SSP spec-
tra with the observed spectra it is possible to determine which stellar types has a major influence on the
galaxy SED and is therefore assumed to be present in the galaxy. Tinsley (1972) introduced this method
to determine stellar populations in globular clusters. Adopting this method, we use the empirical SSPs
from the MILES stellar library (Sánchez-Blázquez et al., 2006). MILES is an empirical stellar library,
providing us with stellar spectra of ∼1000 stars over a wide range of stellar population parameters (see
Section 3.3.1).
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Chapter 1 Introduction

In this thesis we perform a spectroscopic study of the unresolved stellar population of galaxies
based on line-index measurements. This means that we use the measurements of absorption line-
strengths representing spectral features which are sensitive to certain stellar population properties like
IMF-shape, metallicity, and stellar age. The absorption-line measurements are done in a narrow region
of the spectrum; the absorption line of interest and two pseudo-continua on the red and the blue side
of the line. The pseudo-continua are used to estimate the continuum at the absorption line, which is
necessary to determine the absorption-line flux. The intensity of an absorption line (in Å) is given by

I (Å) =
∫ λ2

λ1

(
1− FI ,λ

FC ,λ

)
dλ (1.6)

where FI ,λ is the flux of the absorption-line between λ1 and λ2, and FC ,λ represents the flux as if the
spectrum is a straight line connecting the red and blue pseudo-continua (Burstein et al., 1984; Worthey
et al., 1992). The result from this integral is also called the Equivalent Width (EW). The index magnitude
is defined as

I (mag) =−2.5log

[(
1

λ2 −λ1

)∫ λ2

λ1

FI ,λ

FC ,λ
dλ

]
(1.7)

In this thesis the calculation of the absorption line strengths (referred to as line-indices) is done using
the SPINDEX algorithm as reported in Trager, Faber & Dressler (2008) (see Figure 1.2).

Figure 1.2: Example of three line-index measurements of standard Lick/IDS indices from a galaxy
broadened to a resolution of 350 km s−1 as done by the SPINDEX code (Trager, Faber & Dressler, 2008).
The black line represents the bandpass of the measured index. The blue and the red lines represent the
red and blue pseudo-continua used to estimate the continuum in the black bandpass.

In the 1980s a system of standard absorption line indices, the Lick/IDS system, was introduced. This
system consists of several indices, including their aforementioned pseudo-continuum ranges, which
are used as standard indices in stellar population studies (Burstein et al., 1984; Worthey, 1994; Worthey
& Ottaviani, 1997). These Lick/IDS indices include, among others, the Balmer hydrogen lines (Hα, Hβ,
Hγ, . . .) which are mainly sensitive to the temperature of the main-sequence turn-off stars and are there-
fore a good indicator of the age of the stellar population. Others, like Fe and Mg lines, are indicators of
the metallicity content of the galaxy. Extended systems of indices and new definition of classical Lick-
/IDS have been used and are still used as good measurements for stellar population properties (e.g.
Spiniello et al. 2014). For the full set of indices used in this thesis, including their influence of stellar
population properties, I forward the reader to Chapter 3.6.
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Chapter 1 Introduction

1.4 The Initial Mass Function

The Initial Mass Function (IMF) is the functional form that describes the mass distribution of formed
stars in a single star-forming phase. In 1955 Edwin Salpeter determined the IMF analytical form in our
own galaxy. He found that the IMF (generally denoted with the greek letter ξ) as a function of mass (m)
of the Milky Way follows a power-law relation with an index (x) of -2.35 (Salpeter, 1955):

ξSalpeter(m) = m−2.35 (1.8)

This powerlaw, however, is based on the Milky Way alone and can therefore not be called a universal
relation. Yet this relation has been used as a basis for IMF studies ever since. More recently alternative
“shapes” of the IMF have been proposed. In Miller & Scalo (1979) it was suggested that the IMF would
flatten towards the lower-mass end of the IMF. These kind of IMFs (with a dominant giant-component)
are called “top-heavy” IMFs. People extended their search for the IMF-shape and in the last decade two
IMF models are generally used as favourable relations for IMF studies, the Kroupa IMF and the Chabrier
IMF (see Figure 1.3).

Figure 1.3: Visualization of different proposed IMF functions. The image includes the described models
of Salpeter (1955), Kroupa (2002), and Chabrier (2005) [Equations (1.8), (1.9), and (1.10) respectively].
Where Salpeter predicts a continuisly rising amount of stars when you go to lower mass regions, the
Chabrier and Kroupa models are top-heavy, flattening below ∼ 1M¯. The image is taken from Offner
et al. (2014).

Kroupa proposed a broken power-law IMF for galaxies. The idea behind this is that galaxies have
different stellar populations and different populations of stars have a different IMF shape. By looking
at populations from brown dwarfs (≤ 0.072M¯) to massive stars ( 8M¯) he defined an IMF consisting of
three different powerlaws (Kroupa, 2002):

ξKroupa(m) = m−x ,where x =


0.3 for m < 0.08M¯
1.3 for 0.08M¯ < m < 0.5M¯
2.3 for 0.5M¯ < m

(1.9)

In Chabrier (2003, 2005) a log-normal IMF is proposed, which is a smoother function than the broken
power-law IMF. The Chabrier IMF also falls off at lower mass ranges and is split in two parts (formulae
from Chabrier 2005 are used):

ξChabrier(log(m)) =
{

0.093×exp
(
− logm−log0.22

2×0.552

)
for m ≤ 1M¯

0.041m−1.35±0.3 for m ≥ 1M¯
(1.10)
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These turnover (top-heavy) models are still the best fit for the Milky Way but, as we will discuss in the
next paragraph, are less favoured for ETGs.

As shown in equations (1.2) and (1.4), the kinematics and stellar mass of galaxies are crucial in un-
derstanding their formation and evolution. Since stellar mass and light are produced solely from bary-
onic matter, but the dark matter fraction has a big influence on the galaxies kinematics, it is vital to
disentangle the baryonic and dark matter fractions of the galaxy, as well as knowing how the stellar
mass-to-light ratio scales with the luminous mass of the system. Having knowledge of the IMF of ETGs
will tell us more about the star formation history and (if the IMF is dependent on velocity dispersion)
the internal kinematics.

1.5 Recent studies of the IMF and stellar populations in ETGs

Recently the debate about the shape of the IMF has been very active (e.g. Cappellari et al. 2012;
Conroy & van Dokkum 2012b; La Barbera et al. 2013; Spiniello et al. 2014; Martín-Navarro et al. 2015a).
The simplest and most direct way to constrain the precise slope of the low-mass end of the IMF is to
resolve and count stars with low masses. However, low-mass stars only give a few % contribution on the
optical integrated light of a galaxy, despite accounting for more than 60-80% of the mass for a system
with an old population (Worthey, 1994; Conroy & van Dokkum, 2012b).

Several approaches have been proposed to indirectly infer the low-mass IMF slope. One option is to
use strong gravitational lensing to probe the IMF. In a gravitational lensing system light from a (bright)
source behind the galaxy will be bent due to the mass of the lensing galaxy. By determining the degree
of lensing one can get an estimate of the total mass of the galaxy. Given that most of the stellar mass
is present in low-luminous dwarf stars, the discrepancy between the lensing weighted mass with the
luminosity weighted mass returns and estimation on the amount of low-luminous matter of a system.
A problem with this method, however, is that although it allows us to precisely determine the total pro-
jected mass within an aperture, it does not permit us to separate the mass of he dark matter fraction
from luminous matter. Auger et al. (2010) explored this problem by assuming three different density
profiles for the CDM haloes in ETG systems. All their models point towards a Salpeter-like IMF which,
furthermore, only remains universal among different galaxies if the dark matter haloes remain universal
between galaxies. Treu et al. (2010) combined strong gravitational lensing with dynamical modeling to
probe the IMF. They compared the stellar mass as gained from the dynamical (lensing) models together
with the stellar population models. The discrepancy between the two tends to get bigger with an in-
crease in the galaxy’s velocity dispersion. This could imply a non-universal IMF (or a non-universality
in the dark matter haloes), meaning the IMF would depend on, for example, the velocity dispersion.

Van Dokkum & Conroy (2010) proposed that the amount of M dwarfs (≤ 0.3M¯) is larger in ETGs
than previously thought, based on dwarf-sensitive absorption features that are strong in M-dwarfs and
almost absent in main sequence and giant stars. This would imply an increase in Υ∗ due to a steeper
low-mass end in the IMF. Other indications for a non-universality in the IMF are reported in Spiniello
et al. (2012, 2014); La Barbera et al. (2013); Conroy et al. (2013); Martín-Navarro et al. (2015b). All of these
studies use spectroscopic stellar population indicators. It appears from these studies that the IMF-
shape is influenced by the central velocity dispersion of the galaxy, varying from a Kroupa/Chabrier
IMF at σ∼ 100 km s−1 to an increasingly more bottom-heavy IMF for increasing σ.

The XLENS survey (Spiniello et al., 2011, 2015) combines strong gravitational lensing, dynamics,
and stellar populations analysis to disentangle between dark and luminous matter and to infer the IMF
slope and the internal dark matter fractions in massive lens galaxies. They link the IMF slope with the
galaxy mass with the aim to investigate the relation between baryonic and non-baryonic matter during
the structure formation process. Since the radial profiles of the IMF depend on the formation history
of the galaxy, XLENS will shed new light on link between IMF, structure formation, and the role of dark
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Chapter 1 Introduction

matter.

Finally, time-evolving IMFs have also been proposed. For instance, Davé (2008) investigated the
stellar mass-star formation relationship (M∗-SFR) to look at the stellar mass assembly histories of galax-
ies. He defined the star formation activity parameter (αsf), which represents the fraction of the Hubble
time that a galaxy needs to have formed stars at its current rate in order to produce its current stellar
mass. He reported that his models predict a constant αsf ∼ 1 out to redshift z = 4, while observations in-
dicate that αsf roughly triples between z = 2 and z = 0. As a solution he proposed an IMF that evolves to
become more bottom-light with increasing redshift, where the turn-over mass of the IMF evolves with
M̂ = 0.5(1+z)2 M¯ out to z ∼ 2. Such a time-evolving IMF works well with objects at z=0 and manages to
relieve some of the tension between the IMFs reported in fossil-light measurements (where a bottom-
light tri-model IMF is the best fit, Fardal et al. 2007) and the observed cosmic star formation histories.

1.5.1 IMF studies in non-ETG objects

Salpeter (1955) originally derived his relation from nearby structures within the Milky Way. Since
then, IMF studies began with nearby star-forming regions and globular clusters and from there evolved
to study other galaxies. For various structures within the Milky Way the IMF is reported to be remark-
ably consistent. The general trend is that the IMF agrees well with the Salpeter IMF in super-solar mass
range, whereas in the sub-solar mass range the slope tend to shift towards a Kroupa/Chabrier IMF. This
is seen in populations of field stars, nearby open clusters, star-burst regions, and the galactic centre.
Nearby galaxies like M33 and the Magellanic Clouds follow Salpeter in the super-solar mass range as
well. For an overview of IMF-studies regarding these objects I refer the reader to Bastian, Covey & Meyer
(2010).

The IMF in late-type galaxies (LTGs) requires a different approach than the ones used for ETGs since
these galaxies have a complex morphology. Spiral galaxies tend to have younger populations, have ac-
tive star-forming regions in the spiral arms and are yet to undergo a major-merger event. Since the
stellar population of LTGs is younger, a different mass range of the IMF is constrained. In ETGs all stars
above 1.5 M¯ are dead, enabling us to focus on the low-mass IMF slope, a feature that is much more
difficult in LTGs since here stars with M > 1.5 M¯ dominate the spectrum. As with the IMF in ETGs,
over the last few years, evidence has emerged in favour of a time-dependent IMF for LTGs. Hoversten
& Glazebrook (2008) reported that fainter galaxies have a steeper IMF slope as compared to brighter
ones. In general, in LTGs the steepness of the high-mass end of the IMF appears to be sub-Salpeter,
and becomes even shallower with an increasing star-formation rate (SFR) (Gunawardhana et al., 2011).
Defining a global IMF within LTGs remains difficult, since the star-formation events are local (few pc)
and happen in a short timescale (about 10 Myr). The size of the events makes it impossible to apply the
Milky Way IMF results directly to extra-galactic objects.

Since extra-galactic objects are unresolved most of the time, substructures do not play a significant
role in IMF determination in these objects and instead it is common to determine the Integrated Galac-
tic stellar Initial Mass Function (IGIMF). The IGIMF is the sum of the galaxy’s constituent stellar pop-
ulations (Weidner & Kroupa, 2005; Weidner et al., 2013b). The assumption here is that the IMF locally
follows the ’standard’ IMF-relation, but galaxy-wide it must be weighted with the mass-distribution
function of stellar clusters within which star formation takes place. Heavier clusters tend to fill up heav-
ier stellar mass-ranges, whilst smaller star-forming regions will have a lower high-mass cutoff, thereby
causing a variation of the IMF-slope between high-mass and low-mass star-forming regions. Weidner
et al. (2013b) list seven axioms which describe extensively which parameter values are assumed to de-
scribe potential star-forming regions as well as the mass-distribution function of a galaxy. These axioms
make it possible to calculate the IGIMF as a function of galaxy-wide SFR and metallicity. The IGIMF is
succesful when it comes to describing the Milky Way and its surrounding tidal dwarf satellites (Recchi,
Kroupa & Ploeckinger, 2015) as well as nearby dwarf galaxies as the Sagittarius dSph (Vincenzo et al.,
2015) and Fornax dSph (Li, Cui & Zhang, 2013). In recent work, Fontanot et al. (2016) applied the IGIMF
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theory to the GAEA semi-analytic models with the aim to study the effects a universal IMF and the
IGIMF have on galaxy mass assembly and on chemical abundances. They reported that the IMF mod-
els manage to predict local scalings of luminosity-weighted age, metallicity, and stellar mass, but that
only the IGIMF predicts the observed [α/Fe]-M∗. In addition, only the IGIMF model is able to recreate
the bottom-heavy IMFs that are expected in ETGs. Yet, these models still have difficulty predicting the
star-formation histories, because the IGIMF is only able to predict the highest star formation event of a
galaxy and not overal star formation timescales. Although promising, the IGIMF theory is not yet com-
plete since it must be able to explain and reconcile all the observational results on different scale and
different systems, in order to be considered successful.

1.6 This thesis

In the previous paragraphs we mention a lot of debate regarding both the shape of the IMF and
its consistency over time. In this thesis we analyse the IMF and other stellar population properties of
nearby ETGs (z < 0.03) within the galaxies itself. We want to see if the IMF is varying within single sys-
tems as well as study how dependent the IMF is on the galactic environment, stellar kinematics, and
formation history.

In this project we focus on spectral analysis aimed at finding dwarf/low-mass stars in ETGs. Spec-
tra of dwarf stars show some distinct features that the bigger stars lack. Low-mass stars have a larger
gravity component as opposed to their bigger counterparts. Van Dokkum & Conroy (2010) and Spiniello
et al. (2012, 2014) showed that there are absorption lines which are gravity-sensitive, making them good
tracers for the low-mass star populations. By analysing the gravity sensitive absorption lines we can
determine, via the abundance levels of these lines, how prominent dwarf stars are present in a spec-
trum. Conroy & van Dokkum (2012b) focused their attention on gravity-sensitive lines arising from
iron, sodium, carbon, calcium, and magnesium. They reported that the IMF is more bottom-heavy
than a Salpeter IMF (x > 2.35) for very massive galaxies. Other regions of the spectra are discovered to
be gravity sensitive as well; for example the TiO and CaH lines used by Spiniello et al. (2014). These lines
show different strengths for stars with different gravity, being strongly present in cool dwarf stars, more
weakly present in cool giant stars, and are almost completely absent in other main sequence stars. They
can therefore be used to estimate the giant-to-dwarf ratio and to compare this to the total stellar mass.

In this research we use data from the Calar Alto Legacy Integral Field Area survey (CALIFA, Sánchez
et al. 2012). CALIFA is observing 600 nearby galaxies with an integral field spectrograph. The latter
means that the data contains the spectra of an extended object on the sky as a function of position. We
can split these galaxy’s spectra into multiple regions, giving us the opportunity to check for variations in
different parts of the system. The MILES empirical stellar library is used to fit the line-of-sight velocity
distribution. Absorption line-indices are then measured in the spatially-resolves spectra of each galaxy
and compared with same indices in stellar population models from Conroy & van Dokkum (2012a) to
determine which set of stellar population parameters best describe the stellar population within the
system.

During the writing of the thesis the Martín-Navarro et al. (2015c) paper was published. They used
the CALIFA data of 24 ETGs and investigated radial variations in the IMF. They reported that the IMF
varies over radius and that the IMF has a tight correlation with metallicity. This work is similar to our
work here, but differs in a few points. First, in fitting the stellar populations models we vary the low-
mass end of the IMF whereas Martín-Navarro et al. (2015c) varies the high-mass end (> 0.6 M¯). Second,
we focus more on the radial variations in stellar population parameters and on the gradients themselves
with the goal of finding similarities in radial trends of the various parameters and linking these values
with the galaxy’s formation history. We compare this thesis with the work of Martin-Navarro and col-
laborators extensively in Section 4.3.
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This thesis is structured as follows. In Chapter 2 we describe the CALIFA data: how the data is
observed, reduced, and how we select our samples from the survey. In Chapter 3 we describe the algo-
rithms and methods used to calculate the indices including a description of the binning procedures, the
pPXF algorithm for calculating stellar kinematics, the GANDALF routine for removing emission lines,
and the SPINDEX code which is used to determine absorption-line indices. In Chapter 4 we present
the main results. Here we show which indices relate best to which parameters, and how the parameters
vary within different radii of the galaxies. We also speculate about the possible formation histories of the
galaxies based on the radial gradients. In Chapter 5 we discuss the corrections to the data we made and
the encountered limitations present within the data. We compare the results with other recent works
which graze the topic of this thesis and present some ideas for future research. In Chapter 6 we present
the main conclusions we draw from the research.
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2

The CALIFA survey

In this project we use data as provided by the Calar Alto Legacy Integral Field Area survey (CALIFA)1.
The term legacy is significant in CALIFA’s philosophy, meaning that the survey data should become pub-
lic at a regular basis after data reduction and thorough quality control. CALIFA combines imaging and
spectroscopy of galaxies through Integral Field Spectroscopy (IFS), a technique that allows us to gather
spectra of an object on the sky over a two-dimensional field-of-view. This technique is nowadays the
most used and most efficient way to obtain spatially resolved spectra.

The goal of CALIFA is to gain a better understanding of baryonic physics in the Local Universe by
addressing fundamental issues in galaxy evolution and will allow us to address questions about internal
galaxy dynamics, star formation histories, and stellar population studies2.

CALIFA uses the PMAS/PPAK spectrograph (Kelz et al., 2006) mounted on the Calar Alto 3.5 m tele-
scope, which has one of the largest Field of View (FoV) for this kind of instrument in existence (FoV > 1
arcmin2). Once complete, the survey will encompass ∼600 galaxies in the Local Universe in two over-
lapping grating setups: the V500 in the red (3750-7000 Å, spectral resolution of 6.0 Å FWHM), which will
allow for studies on ionized gas and stellar populations, and the V1200 in the blue (3700-4700 Å, spectral
resolution of 2.3 Å FWHM) which will allow for detailed stellar kinematics studies (Sánchez et al., 2012).

In this thesis we make use of data obtained with the V500 grating. For this reason, in this chapter
and in the following ones, we will limit our discussion to the pipeline process used for this configuration.

2.1 CALIFA data sample

Since CALIFA wants to produce high-quality, resolved galaxy spectra the survey is interested in
nearby and bright galaxies only. The selection procedure of the survey galaxies is described in Walcher
et al. (2014). The CALIFA ’mother sample’ is taken from the Sloan Digital Sky Survey (SDSS, York et al.
2000) DR7 catalogue3. The mother sample is selected by adopting some initial prerequisites: (A) an
r-band isophotal major axis between 45” and 79.2” at the R25 radius4, (B) redshift 0.005 < z < 0.03, (C)
position in the sky; herein excluding the galactic plane by cutting the latitude between -20°< b < 20°,
and limiting the location on the sky by constraining the hour angle and declination to -2h < HA < 2h

1http://www.caha.es/CALIFA/
2For a complete list of CALIFAs scientific goals and characteristics I refer the reader to Sánchez et al. (2012)
3classic.sdss.org/dr7/
4The isophote at which the surface brightness = 25 mag.
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and δ> 7° respectively to make sure to take into account the range of the instrument, (D) airmass below
X < 1.5 to avoid too much atmospheric refraction. These selection criteria generate a mother sample of
939 galaxies from which 600 are (almost) randomly selected to be observed by CALIFA.

In this research we use data from the first two data releases of CALIFA (Husemann et al. 2013; García-
Benito et al. 2015; for DR1 and DR2 respectively), in which the data of 200 galaxies have been made
available. The observations up until DR2 have been made between June 2010 and December 2013.
Since starting this thesis CALIFA has released DR3 (Sánchez et al., 2016), but these have not been in-
cluded in this work.

2.1.1 The CALIFA pipeline

In the following section we describe briefly how the CALIFA data cubes are reduced. For a full and
detailed description of the pipeline process I refer the reader to Sections 5 and 6 of Sánchez et al. (2012)
and Section 3 of García-Benito et al. (2015) for the latest pipeline updates concerning the data used here.

The PMAS/PPAK spectrograph has a total FoV of 74” × 64”. The Integral Field Unit (IFU) consists of
331 fibers in a hexagonal grid where each fiber projects to 2.7” in diameter on the sky. The fiber-to-fiber
distance is 3.2”, yielding a filling factor of 0.6 (Kelz et al., 2006). In order to reach a filling factor of unity,
a three-pointing dithering scheme is used for each object. V500 observations take 900 s per pointing.

From every observation, the sky is subtracted and the flux is calibrated. The latter is done by com-
paring spectrophotometric standard stars from the Oke catalogue (Oke, 1990) with PPAK observations
of those stars on every night, creating a response curve to apply to the observations thereby ensuring
there is consistent calibration on the entire survey region.

After reduction, the dithered exposures are combined to a single frame of 993 spectra which are
rescaled to a common intensity and response function. Then the data is resampled to a data cube with
a regular grid using Shepard’s Interpolation Method to assure flux conservation (Shepard, 1968). With
this method, the intensity of each interpolated point is the sum of the weighted average of the intensities
corresponding to n adjacent points within boundary distance rl i m , and can be used to assign values to
unknown points based on their surrounding spaxels5. The flux (F) of an unknown spaxel is calculated
with the equation

F (i , j ,λ) =
k=n∑
k=1

wk
i , j fk,λ r1...n < rl i m (2.1)

where F (i , j ,λ) is the reconstructed intensity in pixel (i , j ) at wavelengthλ, wk
i , j is the weight of the pixel

at adjacent spectrum k, and fk,λ is the intensity of the adjacent spectrum at that same wavelength. The
weights of the pixel originate from the Gaussian function:

w = N exp[−0.5(r /σ)2] (2.2)

with r the distance between pixel (i , j ) and spectrum k, σ the width of the Gaussian, and N being a
normalization parameter, which is derived for every interpolated pixel using

N (i , j ) = 1∑k=n
k=1 wk

i , j

r1...n < rl i m (2.3)

This interpolation guarantees the preservation of integrated flux. The limits used in CALIFA are rl i m =
5” and σ= 1”, creating a final data-cube with a pixel scale of 1”/pixel.

5A spaxel is a spectrum of one pixel
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The data is then absolute flux-calibrated after the spatial rearranging with SDSS photometry. Abso-
lute flux calibration is applied for continuum flux densities at a given wavelength at any spaxel and
transforms the prior calibrations into physical fluxes (Padmanabhan et al., 2008). Since the bandpasses
of the SDSS g band (λe f f = 4770 Å) and r band (λe f f = 6231 Å) are fully covered in the V500 wavelength
range, these two are used for recalibration. The absolute flux level of each V500 data cube is rescaled to
match the SDSS DR7 broad-band photometry within an aperture of 30” diameter.

The accuracy of the wavelength calibration in the V500 data cube is 10-15% of the pixel scale, i.e. the
root mean square (rms) of the spectrum is in the order of 0.2-0.3 Å. This value is obtained by comparing
the nominal and recovered wavelengths of prominent night-sky emission lines, derived from the me-
dian offset and the rms of each data set. As the night-sky lines are unresolved, they also give the best
estimate in determining the resolution of the data sets. For V500 the spectral resolution is homogenised
to reach a target FWHM of 6 Å, which corresponds to an instrumental velocity dispersion ofσV 500 ∼ 150
kms−1.

The pipeline gives a rough estimation of the Signal-to-Noise ratio (S/N) in each spectrum within the
reduced data cube. The median and standard deviation of the intensity is computed in the 4480-4520
Å wavelength range. This region is chosen since this part lacks strong spectral features and is present
in both the V500 and V1200 gratings. Assuming the scatter is entirely due to noise, the S/N per spaxel is
determined to be

S

N
= σi , j

〈Fi , j 〉
(2.4)

where σi , j is the standard deviation in spaxel (i , j ) and 〈Fi , j 〉 is the median flux at that spaxel. A S/N is
obtained by applying Equation 2.4 to all the spaxels in the data cube from which it is possible to deter-
mine detection limits of the data. Spaxels with a low-enough S/N will not only contain little information
about the source, but this information will also be hard to distinguish from the observed background
flux. The lower limit is set to S/N ∼ 3-4, when the 3σ detection limit of the instrument is approached.
The flux that corresponds to this level is, for the V500 data, ∼23.0 mag/arcsec.
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2.2 Data selection

In this work we only select ETG galaxies from the mother sample of the survey. Furthermore, we pre-
fer to have isolated galaxies, whose internal kinematics is not influenced by near-by interacting galaxies
and which are not undergoing active merging with other objects. The galaxies used in this study, along
with some of their basic properties, are listed in Table 2.1. The half-light radius (Reff) is taken directly
from the CALIFA website (in arcsec) and converted to parsec using the cosmological parameters H0 =
70 km s−1,Ωm = 0.3, andΩΛ = 0.7.

Table 2.1: List of sampled CALIFA galaxies

Name Redshift(z)6 Reff (arcsec) Reff (kpc) Hubble Type

NGC0499 0.015 21.4 6.39 E5

NGC1349 0.022 17.0 7.58 E6

NGC5966 0.015 18.6 5.66 E4

NGC6020 0.014 19.0 5.57 E4

NGC6125 0.016 21.8 7.14 E1

NGC6146 0.029 15.0 8.86 E5

NGC6150 0.029 11.9 6.93 E7

NGC6173 0.029 38.0 22.32 E6

NGC6338 0.027 28.1 15.49 E5

NGC6411 0.013 34.1 8.86 E4

NGC6515 0.023 19.0 8.78 E3

NGC7194 0.027 17.8 9.61 E3

NGC7562 0.012 21.0 5.16 E4

UGC05771 0.025 12.7 6.31 E6

UGC10693 0.028 23.0 12.89 E7

UGC10695 0.028 24.6 13.70 E5

UGC12127 0.028 36.4 20.18 E1

6Retrieved from NED. https://ned.ipac.caltech.edu/
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3

Method and software

In this chapter we present the methods and algorithms we apply to get from the CALIFA data cube
to the absorption-line indices we need to infer stellar population parameters on a step-by-step basis.
First we show what is included in the CALIFA cube and how we extract the data. From the data we
filter out unwanted information (e.g. background objects and bad pixel regions) and rebin the data
in three different ways: Voronoi bins, radial bins, and elliptical bins. The method of rebinning and its
purposes will be described. Then, we also describe which stellar templates we use to constrain the line-
of-sight velocity distribution (LOSVD) and why these are chosen. What follows is the determination of
the kinematics of the individual bins with pPXF, removing emission lines with GANDALF, and retrieving
absorption line indices with SPINDEX. To conclude we show how we determine the best-fitting stellar
population parameters using index-comparisons of Single Stellar Populations (SSPs) and χ2-statistics.

3.1 The CALIFA cube

Our sample consists of 17 ETGs in which we analyse the stellar population properties. From the
CALIFA website1 we retrieve the raw data cubes of the galaxies which fit our preliminary constraints as
described in Section 2.2. We refer to the CALIFA data as a cube as the data encompasses two spatial
dimensions and a wavelength dimension: (x,y,λ)2. The initial CALIFA cube is a structure consisting of
five layers (García-Benito et al., 2015).

Signal
The amount of input flux per pixel, calculated using Equation (2.1), in units of
10−6 erg s−1 cm−2 Å−1.

Noise
The noise is determined with the standard deviation and intensity as given in Equation (2.4).

Weight
The weights are included due to CALIFA’s spatial re-arranging of the data as given in Equation
(2.2). The weights represents the fraction of the data from a fibre to be present in a certain spaxel.

Good Pixel
A boolean layer which is CALIFA’s way of showing which pixels might have to be excluded from
the analysis. This can be because of cosmic rays, bad CCD columns, or vignetting effects. The
uncovered corners of the FoV are also flagged as bad pixel regions.

1http://califa.caha.es
2The dimensions of a CALIFA data cube are (x,y,λ) = (78, 73, 1877)
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Fibre Cover
Layer that shows the number of fibres used to fill each spaxel to a filling factor of unity.

To extract the galaxy in a proper way we first need to decide which of our pixels actually contain
information about the galaxy, i.e. we need to define the edges of the system. This is done by setting
a lower limit to the S/N ratio as a cut-off to whether or not a pixel contains (galaxy) signal or mainly
(background) noise. We define a spaxel as part of the galaxy data if S/N > 3 is achieved. This is similar
to Sánchez et al. (2012), where a lower limit of (3 < S/N < 4) is defined because the average flux of these
spaxels is considered to be a rough estimation of the 3σ detection limit of the instrument (See Chapter
2).

After masking spaxels below the S/N cut-off limit we need to include the possibility of other fore-
and background objects that might be present is the data-cube that, if remained unnoticed, will pollute
the galaxy data. Some of these can be easily seen by eye, but for a more thorough check we put the
cubes through two algorithms to filter out these regions.

First we put the data through a median filter algorithm. The median filter tends to ’smooth out’ the
image by assigning to each spaxel the median value of its surrounding spaxels. This way more fainter
objects and small (pixel-sized) anomalies can be traced and masked. Second, we fit the intensity-profile
of the galaxy with a de Vaucouleurs-type light profile (Equation 1.1). Potential foreground objects near
the line-of-sight of the galaxy can be detected from the galaxy’s brightness profile as they cause devia-
tion of the data when fitted with the de Vaucouleursesque type of brightness profile which is expected
for these type of galaxies. The latter step is necessary since objects near the galactic centre will blur in
with the galaxy data and can therefore be missed in the median filter algortihm.

3.2 Binning the data

After proper extraction of the data we rebin them. Binning is necessary because a) many individual
spaxels have a low S/N, which makes it difficult to extract information without generating huge uncer-
tainties and b) the software packages we use require a minimum of S/N ∼ 80. We use three different
methods of binning. First, we divide the data into Voronoi bins of equal S/N. By combining multiple
spaxels into a single spectrum, we create multiple spectra per galaxy with a similar S/N level. We will
also bin the data in radial and elliptical bins. Radial and elliptical binning allows us to analyse stellar
population properties as a function of radius. Both of these binning procedures allow us to determine
radial variations in stellar population properties, whereas elliptical binning also follows more the con-
tour of the galaxy, thereby binning regions into chunks with a more similar physical background.

We use the Voronoi binning scheme as presented by Cappellari & Copin (2003). This is an adap-
tive binning scheme, where the size of the bin is adjusted to the local S/N level of the data3. With this
method, near the centre of the galaxy the bins consist of one or a few spaxels, whereas near the edges
(where the S/N is ∼ 3) the bins are bigger, since we need more spaxels to create a spectrum with a high
enough S/N.

We Voronoi-bin the galaxies in such a way that the S/N ∼ 135 for every bin. We pick this values
because (A) the software we use needs at least a S/N ∼ 80-100 to work properly (see Section 3.3), (B)
we want a limited number (∼10) of single-pixel bins and (C) we want a total number of between 50 and
150 bins for most galaxies. The total number of Voronoi bins extracted from the galaxies are listed in
Table 3.1. The Voronoi binning returns a list of pixels wherein each pixel is assigned a bin number. We
combine the pixel-spectra with similar bin numbers to form one (binned) spectrum. The signal (S) and

3The code is retrieved from Cappellari’s website: http://www-astro.physics.ox.ac.uk/~mxc/software/
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noise of the new bins are calculated with

〈S〉λ =
∑

i

Si

σ2
i

/∑
i

1

σ2
i

(3.1)

σ2
λ = 1

/∑
i

1

σ2
i

(3.2)

whereσ2 is the variance of the spectrum (σ ≡ ε, where ε is the noise as given by the CALIFA data cube),
i represents all spaxels in the bin, and the subscript λmeans this is done for every wavelength element.

We add one small operation to the binning procedure, because in CALIFA the noise in adjacent spax-
els is correlated and this results in an underestimation of the noise in stacked spectra. To circumvent
this underestimation García-Benito et al. (2015) suggests to calculate the noise spectrum with the noise
correlation ratio, β, which is defined for CALIFA as

β(N ) = 1+1.07log N (3.3)

where N is the number of stacked spaxels. Normally the error spectrum for a bin is given by

ε2
B =

N∑
k=1

ε2
k (3.4)

where the subscript k are the individual spaxels within the bin, assigned with subscript B . The ’real’
noise is than given by

ε2
r eal ,B =β(N )2 ×ε2

B (3.5)

This correction is done for bins with fewer than 80 spaxels. For details I forward the reader to subsection
3.2 and Appendix A in García-Benito et al. (2015).

To analyse the data not locally but as a function of radius, we bin the data in radial and elliptical
annuli. Radial binning is commonly used to examine radial variations in galaxy properties and stellar
populations. We determine the annuli of the bins to be fractions of the effective radius (Reff). Specif-
ically, we define four annuli to have an outer radius of [1, 1/2, 1/4, 1/8]×Reff. The signal and noise of
these spectra are calculated, like the Voronoi bins, with Equations 3.1 through 3.5.

Elliptical binning follows more the contour of the galaxy, thereby binning regions into chunks with
more similar physical background. As discussed in Section 1.2, an ETG’s kinematics might be domi-
nated by rotation or random motions. In the former case we assume that ETGs are deformed by rota-
tion, and therefore the radial gradient of the galaxy’s kinematics are also elliptical. In the latter case this
is not necessarily the case, but by binning elliptical instead of radial we prevent bins in which parts of
the bin is part densely populated with the galaxy’s stars and part solely consisting of the outer halo.

To deform a radial bin to an elliptical bin we take into account two things. First we need to determine
the eccentricity, which is the elongation of the projected image of the galaxy, and orientation of the
galaxy along the line-of-sight. The former is necessary to determine the ratio between the major- and
minor-axis, and the latter determines the angle in which we need to fit our ellipse. Second, we want to
conserve the area of the radial bins. This is done by determining the size of the semi-major axis (SMA)
of the ellipse, which is half the ellipse’s major axis, to be related to the original radius as

SMA = Reffp
1−ε (3.6)

where ε is the eccentricity of the ellipse. ε also describes the ratio between the SMA and the semi-minor
axis, allowing us to fit an ellipse. The orientation and eccentricity of the galaxy are determined using
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Cappellari’s find_galaxy routine4. In Table 3.1 are shown both ε and Reff of our galaxy sample.

After properly rebinning and stacking our spectra we can now extract stellar kinematics and stellar
population parameters from the data.

3.3 The MILES stellar templates and the CvD12 SSP models

To investigate physical properties of stellar populations we compare the data with models which
have clearly defined stellar population parameters. This way we can deduce from the best-fit popula-
tion models what the underlying stellar population of a spectrum is. We use stellar templates as models
to fit to the galaxy spectra.

In this project we use the Medium-resolution Isaac Newton telescope Library of Empirical Spectra
(MILES)5 as stellar templates. MILES, as the name implies, is a collection of empirical stellar spectra
with well defined stellar population parameters. The library consists of 985 single stars in the 3525-
7500 Å wavelength range with a mean spectral resolution of 2.5 Å FWHM. It contains a medium resolu-
tion spectral library over a large portion of the Hertzsprung-Russell diagram and gives a high dynamic
range over several parameters in stellar population like temperature, gravity, and chemical abundances
(Sánchez-Blázquez et al., 2006; Falcón-Barroso et al., 2011).

The MILES library is used by Conroy & van Dokkum (2012a) to create Single Stellar Population (SSP)
models. These models, henceforth referred to as CvD12, are spectra composed of various stellar spectra
selected based on a certain set of environmental variables; IMF-slope, stellar age, metallicity, tempera-
ture, [α/Fe], and [Na/Fe]. The CvD12 models are built to span a wavelength interval of 0.35 µm < λ < 2.4
µm with a resolving power R ∼ 2000, and are composed from two empirical stellar libraries, MILES and
IRTF (Cushing, Rayner & Vacca, 2005). In Section 3.7 we use CvD12 as a stellar template library to deter-
mine stellar population properties of the spectra. CvD12 models have clearly defined stellar population
parameters and, when used to fit a spectrum, enables us to extract stellar population parameters from
the spectrum.

3.4 Estimating kinematics: pPXF

Stellar kinematics have a significant influence on the observed spectra. The emitted light is under-
going Doppler shifts due to stellar motion, causing a distribution of velocities along the line-of-sight, the
Line-Of-Sight Velocity Distribution (LOSVD). This distribution describes the spread of observed stellar
motion around the general velocity (V) of the galaxy, which in its turn is mainly caused by the galaxy’s
redshift. This spread causes light to be emitted at different Doppler-shifts, causing line-broadening of
absorption lines and a general ’smoothing’ of the entire spectrum (Sargent et al., 1977).

For our purpose we want to compare the spectra from different galaxies as if they are emitted by
sources with similar kinematics. To achieve this we convolve our spectra to a similar resolution. This
means we voluntarily increase the velocity dispersion (σ) of a spectrum by smoothing it. Smoothing a
spectrum means we broaden the galaxy spectra, thereby simulating a fixed LOSVD causing us to sacri-
fice information in exchange for the ability to compare the spectra in a qualitative way (see Figure 3.1b).

To smooth our spectrum we first need to get an initial estimate of the stellar kinematics of the spec-
tra. For this we use the penalized PiXel Fitting (pPXF) routine by Cappellari4. This software allows us
to retrieve up to 6 parameters of stellar kinematics: rotation, velocity dispersion, and up to four further

4http://www-astro.physics.ox.ac.uk/~mxc/software/
5http://miles.iac.es/pages/stellar-libraries/miles-library.php
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orders in the Gauss-Hermite series (h3, . . . ,h6) (Cappellari & Emsellem, 2004). pPXF calculates the kine-
matics in the likely situation that it can be described with a Gauss-Hermite series; this means that the
LOSVD is derived from the parameters of a Hermite distribution, which is a higher-order Gaussian-like
distribution that is less sensitive to the uncertainties in the dynamics than a standard Gaussian distri-
bution (Gerhard, 1993; van der Marel & Franx, 1993).

pPXF convolves the template spectra of SSP models to an initial guess of the velocity dispersion. By
default, the initial guess of the velocity dispersion is set to be 3 × velocity scale, which is the velocity in
units of [km s−1 px−1]. The algorithm then proceeds to perturb the kinematic parameters around this
initial guess and fits it to the galaxy spectrum. The best-fit parameters are determined by minimizing
the χ2 - which is the agreement between convolved model and spectrum (assuming Gaussian uncer-
tainties) - for different kinematic values. The output of the program will be the best-fit estimate of the
rotation velocity and velocity dispersion and is used as the initial kinematics of the galaxy’s spectra.
The σinner columns in Table 3.1 shows the velocity dispersion of the inner annuli of the Elliptical bin-
ning method estimated by pPXF.

Table 3.1: List of galaxy properties

Galaxy σinner [km s−1] Eccentricity (ε) Reff (arcsec) Nr. of Voronoi bins

NGC0499 293 0.61 21.384 113

NGC1349 218 0.89 17.028 24

NGC5966 196 0.60 18.612 87

NGC6020 210 0.73 19.008 63

NGC6125 268 0.91 21.780 148

NGC6146 314 0.77 15.048 53

NGC6150 243 0.48 11.880 41

NGC6173 263 0.65 38.016 85

NGC6338 326 0.66 28.116 55

NGC6411 190 0.68 34.056 165

NGC6515 190 0.78 19.008 45

NGC7194 276 0.79 17.820 66

NGC7562 258 0.68 20.988 193

UGC05771 239 0.71 12.672 29

UGC10693 262 0.68 22.968 90

UGC10695 203 0.67 24.552 21

UGC12127 285 0.85 36.432 61

3.5 Removing emission lines: GANDALF

The next step is to clean our spectra by removing emission lines. Besides making sure there is a min-
imum of pollution in the spectra caused by fore- and background objects, we also need to make sure
there is no pollution from emission lines. Emission lines have an effect on the shape of the continuum
of the spectra by causing a peak in flux or, in the worst case scenario, overlapping with absorption lines,
causing the rise in flux to make an absorption line less deep or even just replacing the absorption line
with the emission line.
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Emission lines can be telluric, like nitrogen and sulfur, or they can originate from gas (nebular)
emission within the galaxy. This emission can ionize oxygen, nitrogen, and sulfur as well as influence
hydrogen lines from the Balmer series. The difference between the two types of emission must be made
since the gas emission comes from the galaxies themselves and is therefore redshifted along with the
galaxy spectrum, whereas telluric lines come from our own atmosphere and thus are emitted in the ob-
server’s frame.

To identify and remove emission lines from the spectra we apply the software described in Sarzi
et al. (2006): Gas AND Absorption Line Fitting (GANDALF). Like pPXF, GANDALF uses stellar templates
to fit to a spectrum. The first step in GANDALF is masking wavelengths of the spectrum that have po-
tential emission lines. Then the remaining unmasked regions of the spectra are used to fit to the stellar
templates. Based on the best-fitted templates, GANDALF looks at the flux those templates inhabit in
the masked region of the original spectrum. The difference between this flux and the original spectrum
at the assigned wavelength range is taken to be the intensity of the emission line, which GANDALF then
substracts from the original spectrum, creating an emission-less spectrum of the galaxy. Figure 3.1a
shows an example of an emission-rich spectrum (black line) and a clean spectrum corrected by GAN-
DALF (red line).

GANDALF has the freedom to combine multiple MILES stars to the spectrum in order to create a
best fit. In general GANDALF stacks between one and five stellar templates with distinct weights per
spectrum in order to create a best-fit convolved template spectrum. The difference between the model
and the (clean) spectrum is used to create a variance spectrum (σvar ) of the GANDALF output.

σvar =
(
Fb f −Fnt

)2 (3.7)

where Fb f is the flux of the best-fit model and Fnt is the flux of the GANDALF corrected spectrum. σvar

is used to estimate errors in the absorption-line indices.

3.6 Calculating indices: SPINDEX

After cleaning the spectrum and getting an estimate of its kinematics, we smooth the observed spec-
trum based on the results from pPXF. Results from pPXF show that the central velocity dispersions of
our sample galaxies vary between 190-330 km s−1 (See Table 3.1). Therefore we take a LOSVD ofσ = 350
km s−1 to be the final resolution of our spectra. After smoothing we assume that each spectrum origi-
nates from similar stellar kinematics and can be compared with each other. An example of a convolved
spectrum is presented in Figure 3.1b.

We calculate the indices using the SPINDEX algorithm from Trager, Faber & Dressler (2008). As de-
scribed in Section 1.3, SPINDEX extracts the intensity of absorption lines by integrating the difference
of the absorption line with its assumed underlying continuum, which is based on the surrounding con-
tinua of the line. σvar shows the discrepancy between the best-fit model and the data. Since there is a
mismatch between the model and galaxy, there should be an uncertainty in the GANDALF-calculated
emission line as well. The variance spectrum is used to calculate the uncertainties in the absorption
line indices.

The relevant indices which are measured by SPINDEX are listed in Table 3.2. The first column in-
dactes the index’ name, the two following columns show the index bands and the pseudo-continua,
respectively. The fourth column highlights the stellar population properties to which that particular
index is most sensitive to. bTiO, aTiO, TiO1, TiO2, CaH1, and CaH2 are broad spectral features and are
measured in units of magnitude, whereas Hβ, Mgb, Fe5270, Fe5335, and NaD are narrow spectral features
and are measured in units of Å (Equations 1.6 and 1.7).
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(a) GANDALF output

(b) Convolved spectrum

Figure 3.1: (a) Example of a spectrum that is cleaned by the GANDALF software. The plot shows the
original spectrum (black line) overplotted with the GANDALF-corrected clean spectrum (red line). The
correction on the sulfur and Hα lines around 6500 Å are very prominent. Note that there is also a slight
correction at 4850 Å and 4400 Å , which are Hβ and Hγ lines, these are tied to the Hα line since they
originate from the same atom as thus this correction originates from Hα. The two corrections around
5000 Å are due to [OIII] emission.
(b) Example of a convolved spectrum. The red line shows the original spectrum with a velocity disper-
sion, σ, of 238 km s−1 and the blue line shows that spectrum convolved to σ = 350 km s−1. Here you
can also see an anomaly around λ ∼ 5580 Å. This is telluric [OI] emission and coincides with the aTiO
absorption line, making aTiO difficult to measure.
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Table 3.2: List of used Lick/IDS indices

Index Central band (Å) Pseudo-continua (Å) Main tracer Note

bTiO 4758.500 - 4800.000 4742.750 - 4756.500
4827.875 - 4847.875

IMF and stellar temperature [2]

Hβ 4847.875 - 4876.625 4827.875 - 4847.875
4876.625 - 4891.625

Age [1]

Mgb 5160.125 - 5192.625 5142.625 - 5161.375
5191.375 - 5206.375

[α/Fe] and Z [1]

Fe52705245.650 - 5285.650 5233.150 - 5248.150
5285.650 - 5318.150

[α/Fe] and Z [1]

Fe53355312.125 - 5352.125 5304.625 - 5315.875
5353.375 - 5363.375

[α/Fe] and Z [1]

aTiO 5445.000 - 5600.000 5420.000 - 5442.000
5630.000 - 5655.000

IMF and stellar temperature [2]

NaD 5878.625 - 5911.125 5862.375 - 5877.375
5923.875 - 5949.875

IMF and [Na/Fe] [1]

TiO1 5938.375 - 5995.875 5818.375 - 5850.875
6040.375 - 6105.375

IMF [1]

TiO2 6191.375 - 6273.875 6068.375 - 6143.375
6374.375 - 6416.875

IMF [1]

CaH1 6357.500 - 6401.750 6342.125 - 6356.500
6408.500 - 6429.250

IMF and stellar temperature [2]

CaH2 6775.000 - 6900.000 6510.000 - 6539.250
7017.000 - 7064.000

IMF [2]

[1]: Worthey et al. (1994) [2]: Spiniello et al. (2014)

3.7 Stellar population parameters

We fit SSP models to our convolved and cleaned spectra. To investigate which SSPs are present
within a spectrum, thereby finding the best-fitting stellar population parameters, we compare the spec-
tra with the CvD12 SSP models. We do this by retrieving, via SPINDEX, the Equivalent Widths (EWs,
Equations 1.6 and 1.7) of the indices from both the galaxies and the CvD12 models (convolved to the
same 350 km s−1 resolution). As CvD12 has well defined stellar population parameters, we can deter-
mine the parameters of the galaxy spectrum by comparing its EWs with the EWs from CvD12.

The different stellar population parameters used in the SSP models to fit to our spectrum are6

• IMF-slope (x): [1.8, ..., 3.5] in steps of 0.1

• Age (t): [3.0, 5.0, 7.0, 9.0, 11.0, 13.5] Gyr

• metallicity (Z or [M/H]): [-0.6, ... , 0.2] dex in steps of 0.1

• [α/Fe]: [-0.2, ..., 0.4] dex in steps of 0.1

• [Na/Fe]: [-0.2, ..., 0.6] dex in steps of 0.1

6CvD12 can have a temperature-sensitive component as well, where the shift in giant-branch temperatures is measured.
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CvD12 uses solar-metallicity isochrones when synthesizing models with different abundance pat-
terns, where the total metallicity only varies between models because the abundance variations of sin-
gle elements are implemented at fixed [Fe/H] (Conroy & van Dokkum, 2012a). In order to extend the
CvD12 metallicities to the sub-solar values we describe above, we apply the metallicity-response func-
tion described in Spiniello et al. (2015), where they extend the parameter space by multiplying CvD12
models with the ratio of two MIUSCAT models (Vazdekis et al., 2012) with the same age and IMF slope,
but with different metallicity.

Metallicity is defined as a fraction of the solar metallicity, log(Z/Z¯), and α is the set of elements
present in the α-ladder (atom number is a multiple of four). We compare the SSP EWs with those of the
galaxy using χ2-statistics. χ2 is the deviation between the indices of the SSPs and those of the galaxy.
Thus, the minimum χ2 is the minimum deviation of the model from the spectrum: the model with χ2

min
is the best-fit model. To find the most likely value of an atmospheric parameter, we determine χ2

min for
each atmospheric parameter step and plot the [parameter, χ2

min] plot and interpolate this to find the
absolute minimum of the line. We also determine an upper and lower limit to this value based on a 1σ
confidence interval.

We use a method similar to the one described in Spiniello et al. (2014). Here, for every galaxy spec-
trum the χ2 with an SSP model is given by

χ2
n =

m∑
i nd=1

χ2
i nd ,n =

m∑
i nd=1

(
EW obs

i nd −EW mod
i nd ,n

)2

σ2
EW obs

i nd

(3.8)

where n is the SSP model of interest and m is the number of indices measured with SPINDEX. Via
the likelihood function L ∝ (

exp−χ2/2
)

the probability density function is obtained, which we can
marginalize over the individual stellar population parameters.

In addition to the χ2 statistics, we can also create index-index plots to compare the sata with the
models. Here we plot indices which are sensitive to a certain parameter and compare them with grids
created by varying SP parameters of the model. This way we can determine to which parameter an in-
dex is sensitive to and if stellar population parameters correlate with each other. We apply this method
in Chapter 4.1.

For our analysis we use the indices listed in Table 3.2. We also use the [MgFe] index, defined in
González (1993) as

[MgFe] =
(
Mgb ×

Fe5270 +Fe5335

2

)1/2

(3.9)

which is a tracer sensitive to metallicity and age, not to [α/Fe], and is depending only weakly on velocity
dispersion.

In this chapter we describe all the algorithms and methods used to extract absorption line indices,
stellar kinematics, and stellar population parameters from a raw CALIFA data cube. In the following
chapters we present our results on galaxies’ kinematics, the EWs of the indices, and compare the results
with the CvD12 SSP models. From these we try to find relations between indices, stellar population
parameters and kinematics, as well as radial gradients of absorption lines and stellar population pa-
rameters.
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Results

In this chapter we present the main results. We discuss what the extracted results of the Lick/IDS
indices tell us by looking for relations between the indices as well as determining which indices influ-
ence the IMF, and other stellar population parameters, the most. We then discuss the CvD12 model-
parameters. We look at how the parameters relate to each other and check for possible trends. We then
examine the IMF-σ and IMF-[M/H] relations. We then investigate the radial trends of the parameters
and indices within the individual galaxies. By looking at gradient plots, we aim at understanding how
the physical parameters behave with respect to each other and with respect to centre distance. Our final
purpose is to infer the possible merging history of the systems.

Throughout this chapter we compare results to previous studies before moving to a more general
discussion in the next chapter.

4.1 The Lick/IDS indices

The purpose of this thesis is to investigate the slope and behaviour of the low-mass end of the IMF
in ETGs. We start by looking at which indices are the most influenced by the IMF slope. We do this by
comparing the intensity of different IMF-sensitive indices and check to which best-fit IMF slopes these
intensities correspond, i.e. for which values of the stellar population parameters do the CvD12 models
return the lowest χ2 given the observed absorption line intensities.

We look at how the individual indices behave with respect to the velocity dispersion of their respec-
tive bins and whether there is evidence for radial trends. Since σ is expected to be radially declining,
these two checks should show similar behaviour. We then determine the sensitivity of different stellar
population parameters based on index-index plots between indices which are sensitive to different pa-
rameters.

4.1.1 Radial and kinematic trends

Both indices and kinematics follow directly from the algorithms explained in Chapter 3. We first
check indices for possible radial and kinematic trends. We want to determine the radial gradient of the
indices, which shows if indices vary with radius and by how much. After determining to which specific
indices the stellar population parameters are sensitive we aim to predict how these parameters behave
radially based on the indices.
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We determine the trend of absorption line indices by measuring radial variations they show in the
individual galaxies. We fit these variations with the curve_fit algorithm, as provided in the SciPy pack-
age, which returns the slope of the radial gradient. An overview of the radial trends of the indices, as
well as σ, is presented in Figure 4.1. Here we show the gradients of the individual indices and σ of all 17
galaxies. A positive gradient implies a radial rise of intensity of the absorption line (or velocity disper-
sion), whereas negative values imply the opposite.

Most indices decrease over radius with the exception of Hβ, which is equally likely to rise or fall.
Since Hβ is our main index for determining the stellar ages we expect the ages to follow the same trends
as Hβ and thus to show similar radial ambiguity on a galaxy-by-galaxy basis. With the exception of NaD
all IMF-sensitive indices are presented on the right-hand side of the plot. The intensities and gradients
in these indices are small, underlining the difficulty of probing radial variations of IMF slopes.

Two galaxies are highlighted in Figure 4.1. First, the yellow points show one galaxy with a positive
σ gradient, NGC6150. This gradient is a product of a high σ measurement in the outer radii; the inner
three radii show a negative σ gradient. The outer radius in this galaxy is subject to telluric contamina-
tion that influences the pPXF output. If we exclude the outer bin in this galaxy the gradient is reduced
to ∇σ/30 = -0.82.

Second, the green points show the only galaxy with a positive gradient in magnesium, NGC6173. A
radially rising magnesium strength in an ETG can imply a recent merger event. More evidence of this is
present in the negative Hβ gradient of this galaxy which tells us young stars are dominant in the central
region of this galaxy. This is assumed to be due to a recent (wet) merger where the cessation of star-
formation occurs in an outside-in manner as the molecular gas is heated and consumed (more on this
in Section 4.3). The positive gradient of the Fe 5335 Å line in this galaxy is due to telluric contamination
in the outer bin, which also explains the positive gradient in [MgFe]. It does not, however, explain the
Mgb line.

Figure 4.1: Radial gradients of the measured Lick/IDS indices and velocity dispersion. σ has been di-
vided by 30 to fit the points in the plot. The black dashed line represents a flat (no) gradient. The vertical
red line separates the IMF-sensitive indices (right side) from other indices and the velocity dispersion
(left side). The gradients on the right side use the right-hand y-axis whereas the left side uses the left-
hand y-axis. Two peculiar galaxies have been highlighter in yellow (∇σ > 0), which is NGC6150, and
green (∇[MgFe] > 0, ∇ Mgb > 0), which is NGC6173. These galaxies are discussed in the text.
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4.1.2 Determining parameter-sensitive indices

We now determine the sensitivity of the indices to different stellar population parameters. Based
on Table 3.2 we can make a qualitative guess as to what index influences what parameter; however the
best-fit parameters are model-dependent. Therefore it is useful to determine to which indices the IMF
is most sensitive in this particular set of SSP models. I refer the reader to Spiniello, Trager & Koopmans
(2015) for a more detailed review on how the ingredients and underlying assumptions in SSP models
influence the fitted parameters. For the purposes of this work it is sufficient to keep in mind that a dif-
ferent set of SSP models can give different results.

Figure 4.2 shows the model variations of CvD12 based on various IMF-sensitive features. After the
χ2 routine we have, for every spectrum, the five best-fit values of our set of stellar population param-
eters: IMF-slope (x), metallicity (Z or [M/H]), α-element abundance ([α/Fe]), age (t), sodium fraction
([Na/Fe]). Here a darker shade of red corresponds to a higher parameter value. We show that the indices
which correlate (or anti-correlate) most strongly with the IMF parameter are the TiO2 and NaD lines,
both showing a positive correlation with the slope of the IMF. The bTiO and CaH1 indices show an anti-
and a positive correlation respectively with the IMF, although the correlation is weaker in both cases.
TiO1 seems not to influence the IMF in the present SSP models.

Figure 4.2: Index-index plot of the different IMF-sensitive indices versus the age-sensitive index Hβ.
The diamonds show the value of the elliptical bins and the crosses show the values of the Voronoi bins.
The colours of the diamonds show the best-fit IMF slope of the bin - where darker red means a more
bottom-heavy IMF. The cyan crosses at the top-left show the median errors of the elliptical bins.
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Figure 4.3: [TiO2,NaD] index plots colour-coded by parameters and velocity dispersion. The meaning
of the symbols is as in Figure 4.2. The [M/H], σ, and [Na/Fe] have similar patterns as the IMF slope.
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We check whether TiO2 and NaD have other correlations with other stellar population parameters
and/or σ. Figure 4.3 shows the [TiO2, NaD] plots colour-coded with the other parameters. From Fig-
ure 4.3 it appears that metallicity ([M/H]) and σ show similar trends with these indices as the IMF, with
these two parameters correlating positively with both these indices. The sodium fraction ([Na/Fe]) also
correlates positively, although this is due to an interplay of the positive correlation between TiO2 and
NaD, and the fact that [Na/Fe] depends predominantly on NaD alone.

The colour of the age parameter tells us that the stellar ages of the galaxies are relatively old (> 9 Gyr)
with only a few younger elliptical bins. The set of younger bins is dominated by the inner radii of the
systems, where 75% of bins with t < 6 Gyr are bins with 1/8 Reff. The [α/Fe] parameter is independent
of both TiO2 and NaD.

4.2 IMF relations

Figures 4.2 and 4.3 show similar patterns in the IMF slope, metallicity, and σ. This implies a rela-
tion between these three parameters. Studies have already reported both the IMF-Z relation (Martín-
Navarro et al., 2015c) and the IMF-σ relation (e.g. Conroy & van Dokkum 2012b; Cappellari et al. 2013;
La Barbera et al. 2013; Spiniello et al. 2014). We show our findings below and compare them with previ-
ous results.

4.2.1 IMF-σ relation

The relation between IMF and velocity dispersion has been intensively studied in the past few years.
Among others Treu et al. (2010); La Barbera et al. (2013) and Spiniello et al. (2014) have reported a posi-
tive relation between the low-mass IMF slope andσ. A higher velocity dispersion leads to more turbula-
tion and to larger density fluctuations in the ISM which promotes fragmentation over a broader range of
masses. Since high-mass stars only form in clouds which are heavy enough to support their formation,
this broad fragmentation steepens the IMF as well as lowers the low-mass turnover (Hopkins, 2013).

Multiple IMF-σ relations have been reported. Spiniello et al. (2014), henceforth S14, reported a
linear relation between the two parameters by comparing IMF-sensitive indices of the MILES stellar
library all convolved to the same velocity dispersion. They reported that, if the NaD absorption line is
included in the analysis, a fit between the two parameters yields

x = (2.13±0.15)+ (2.3±0.1) logσ200 (4.1)

where σ200 is the velocity dispersion measured in units of 200 km s−1. This slope becomes shallower if
the sodium lines are not included in the analysis.

As presented in Figure 4.4, the S14 relation agrees roughly with our values, but the scatter in the
points is too large, especially in the high-σ region, to safely confirm the relation. This leads to the
suspicion that metallicity is a more fundamental driver behind the IMF variations and that the IMF-σ
relation is only a direct consequence of the well-established [M/H]-σ relation (e.g. Tremonti et al. 2004).

A positive relation between IMF and σ is not only reported in spectroscopic studies, but also in dy-
namical studies like Treu et al. (2010) and Cappellari et al. (2013). Smith (2014) compared two different
IMF studies, one dynamical (Cappellari et al., 2013) and one spectroscopic (Conroy & van Dokkum,
2012b). These two studies have in their sample a set of 34 galaxies in common. Smith compared the
conclusions that are reported in these studies and determined how these studies differ on a galaxy-by-
galaxy basis. He defined the IMF mismatch parameter as α = Υ/Υref, the ratio of mass-to-light ratios,
whereΥref is set to the Milky Way value.
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Figure 4.4: IMF-σ relation of the elliptical bins. The size of the diamonds indicates the fraction of the
effective radius of the elliptical annuli. The size of the diamonds decreases with radial distance from
the centre and thus annotate bins with a higher S/N. The cyan line represents the median uncertainties
of the best-fit IMF. The grey dashed line shows the relation of Equation (4.1) as derived in Spiniello et al.
(2014).

On a galaxy-by-galaxy basis the two methods show no similarities, but Smith noted that globally
the results do show similarities. Both studies report a positive correlation between α and the velocity
dispersion, meaning that steeper IMFs are present in high σ galaxies. Furthermore, the spectroscopic
method yields a positive correlation between IMF and [Mg/Fe], a feature not reported in the dynamical
study. A skeptical view is that some confounding factor has not been properly accounted for and that,
depending on either a spectroscopic or dynamical approach, the IMF can depend solely on absorption
line abundances or onσ alone respectively. An optimistic view on this discrepancy is that both methods
measure different aspects of the IMF, where the spectroscopic method leans on the mass-to-light ratio
and the dynamical method leans on total mass.

In recent work Lyubenova et al. (2016) reported that there can be a consistency between the IMF of
the dynamical and the spectroscopic method. Using CALIFA data they report that by using a bimodal
(broken power-law) IMF, both methods lead to similar results. The single power-law IMF, however, does
show a discrepancy. A unimodal power-law produces stellar masses that are larger than the dynamical
masses. Being that this result is unphysical they report that the unimodal IMF can be excluded.

La Barbera, Ferreras & Vazdekis (2015) studied the [Mg/Fe]-σ relation using a large sample of SDSS
spectra and concluded that the IMF does not show a tight relation with [Mg/Fe]. Furthermore, Martín-
Navarro et al. (2015a,b) reported that σ is not the main driver behind the dwarf-to-giant ratio in several
resolved galaxy spectra and that the IMF-σ relation is more prominent in unresolved data. They pro-
posed that IMF gradients in resolved ETG spectra can be accounted for by the radial gradient in metal-
licity.

In Figure 4.5 we show the relations of Mgb/〈Fe〉1 with both IMF-slope andσ. As in the studies above,
we find no correlation between either of these parameters as expected in our resolved spectra. Thus we
underline that the relation between IMF, Mgb/〈Fe〉 and σ in our data are uncorrelated (Figure 4.5) or

1We have not determined the [Mg/Fe] parameter, which is a parameter which depends on Mgb and 〈Fe〉, but also has an age
and metallicity dependency. We use Mgb/〈Fe〉 as a near estimate for [Mg/Fe]
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Figure 4.5: The Mgb/〈Fe〉 versus both σ (left panel) and IMF slope (right panel). IMF slope is expected
to have a positive correlation with σ (Spiniello et al., 2014) and σ to have a positive correlation with
[Mg/Fe] (Conroy & van Dokkum, 2012b). We find neither of these relations. In fact, Mgb/〈Fe〉 appears
to be invariant to these parameters. The IMF-σ relation is reported to be more loose in resolved stellar
populations (Martín-Navarro et al., 2015a,b) which explains our loose relation as well. The lack of rela-
tion between Mgb/〈Fe〉 and both IMF and σ can be explained by the lack of range in σ. We discuss this
further in Chapter 5.

loosely (Figure 4.4) at best.

4.2.2 IMF-metallicity relation

The IMF-[M/H] plot is shown in Figure 4.6. The points show a positive linear relation between the
parameters. This confirms the earlier study done by Martín-Navarro et al. (2015c), henceforth MN15,
which reported a linear trend between IMF and metallicity. Similar to us they use CALIFA data in ellip-
tical bins, albeit with different galaxies and by varying the high-mass end of a broken powerlaw instead
of varying the lower-mass end and using a unimodal IMF. MN15 reported a best-fit linear IMF-[M/H]
relation of the form

x = 3.2(±0.1)+3.1(±0.5)× [M/H ] (4.2)

We find a good agreement between our results and MN15 when we plot this relation over our data
points. From this relation MN15 proposed that the previously discussed IMF-σ relation is due to a
combination of the σ-[M/H] relation and the IMF-[M/H] relation of Equation (4.2). MN15 reported an
IMF which grows more top-heavy with decreasing metallicity, meaning that higher metallicities result
in fewer high-mass stars. Based on Figure 4.6 we report that the low-mass IMF slope is steeper with
increasing metallicity, meaning that higher metallicities result in more low-mass stars. These two re-
sults show a consistent conclusion: the fraction of low-mass to high-mass stars grows with increasing
metallicity regardless of which portion of the IMF you choose to investigate.

If metallicity is the main driver behind the IMF-slope, we can shed some new light on both the for-
mation history of galaxies as well as on the Star-Formation Histories (SFHs) of the systems. Since metal-
licity is mainly regulated through stellar nucleosynthesis (Leitherer, Robert & Drissen, 1992) the SFH
and IMF play an important role in this parameter. The SFH, however, heavily depends on the formation
history of galaxies. Monolithic collapse and hierarchical growth predict different SFHs. Monolithic col-
lapse predicts star formation at high redshift only. Hierarchical formation has a continuous rate of star
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Figure 4.6: IMF-[M/H] relation of the elliptical bins. The size of the diamonds indicates the fraction of
the effective radius of the elliptical annuli. The size of the diamonds decreases with radial distance from
the centre. The cyan cross represents the median errors of the parameters. The grey dashed line shows
the linear-relation of Equation (4.2) as derived in Martín-Navarro et al. (2015c).

formation in lighter systems. The star formation shift towards the earlier epochs for massive (≥ 1012 M¯)
galaxies, making the SFH similar to the monolithic collapse hypotheses (Trager & Somerville, 2009; Ar-
rigoni et al., 2010). Different formation models predict star formation at different radii of the galaxy and
therefore predict different radial variations in metallicity. Here, the merging history of galaxies plays a
role, with relative quiescent galaxies showing steeper radial metallicity gradients than galaxies with lots
of (major) mergers (Kobayashi, 2004).

4.3 Parameter gradients

Figure 4.6 shows that the top-right corner of the plot is populated with the inner radii of a number
of galaxies, meaning that in these galaxies the IMF decreases radially. There are, however, also central
points in the lower-IMF regions of the diagram, meaning that a radially declining IMF is not present in
all galaxies. Because the IMF is not consistent, the IMF is related with [M/H], and the galaxy formation
process plays a prominent role in the [M/H] gradient, we continue to look at the individual gradients
that galaxies show in [M/H] and IMF-slope and determine what the parameters tell us about the for-
mation history of these galaxies. We determine the gradient (∇) that a certain parameter shows as a
function of radius. Since the individual values of IMF and metallicity follow a positive linear trend, we
suspect to find the gradients of these parameters to be either both positive or both negative. A positive
gradient means that between the central bin and the outer bin the value of the parameter rises, whereas
a negative gradient means the opposite. We find the gradient with the Scipy curve_fit routine.
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4.3.1 Metallicity gradients

The metallicity gradient is a good place to start not only because of its correlation with the IMF, but
also because it is often used to study the formation histories of ETGs. The monolithic collapse model
predicts steep metallicity gradients with metal-rich centres (where the metallicity increases through
stellar nucleosynthesis) whereas the hierarchical formation models predict shallower gradients due to
dilution of line-strength gradients existing in the pre-merger systems. However, adding secondary star-
formation via (wet) mergers will lead, again, to enhanced metallicities in the inner regions due to cessa-
tion of star-formation in the outer radii, and thereby, again, steepening the gradient (Kobayashi, 2004;
Kuntschner et al., 2010).

Kobayashi (2004), hereafter K04, investigated the metallicity gradients in ETGs by comparing the
gradients of numerical models with various merging histories versus empirical gradients. She reported
that in the case of monolithic collapse the models show a strong radial gradient in metallicity but that
these steep gradients can be destroyed by mergers. Major mergers (M2 > 0.2 M1) will force metal-rich
stars to migrate to the outer regions of the galaxy, flattening the metallicity gradient. The rate of change
in the gradient is dependent on the mass-ratio between the pre-merger galaxies and the gas-fraction
of the infalling galaxy. Non-major mergers can induce star formation in different parts of the primary
galaxy. If the ratio of the (gas) mass is large (Mgas,2/Mgas,1 ≥ 0.5), star-formation will be induced at the
centre of the primary galaxy and the change in the gradient is limited. But sometimes, if the merging
event is very wet (Mgas,2 > 0.5 Mtotal,2), the infalling galaxy behaves like a gas cloud and moderate star
formation can be induced in the outer regions, causing the gradient to become shallower.

Our inferred ∇IMF-∇[M/H] relation is presented in Figure 4.7. We show that the IMF-[M/H] relation
does not limit itself to local regions within the galaxy alone as the individual radial trends also show a
correlation. The IMF gradients and metallicity gradients are either both positive or both negative and
the general relation appears linear. This means that the IMF and [M/H] can indeed be a local value
which varies depending on where in the galaxy you look but that the radial trends of the two parame-
ters are also not uncorrelated.

Figure 4.7: The relation between the gradient of the IMF-slope and the gradient of the metallicity. Each
diamond represents the gradient of one galaxy. The gradients show a positive trend, meaning the IMF-
[M/H] relation exceeds the parameter-parameter space and is also present in the individual gradients.
The dotted lines are to guide the eyes at the null values (no radial variation). The histograms show the
number of galaxies within bins of a certain gradient range.
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The number of data-points we have for Figure 4.7 is 17. Therefore it is difficult to make definite
statements about possible correlations between the gradients. We can, however, make claims based on
statistics. Figure 4.7 shows a positive correlation between the IMF and metallicity gradients. To deter-
mine whether there is an actual positive trend we calculate the Spearman ranked correlation coefficient
(ρ) for these points. ρ assesses how well two variables can be described by a monotonic function. A ρ

of unity (or minus unity) means there is a perfect monotonic increasing (or decreasing) trend which
described the relation of the two variables. No relation returns ρ = 0.

The Spearman value in the [∇IMF, ∇[M/H]]-space is ρ = 0.81 ± 0.16. This value means that the rela-
tion between the two parameters is likely to be monotonically rising. The correlation between the two
parameters suggests a strong bond between the metallicity of a given region and the IMF slope in the
same region. The fact that most galaxies are decreasing in both values tells us that the IMF slope tends
to be steeper in a galaxy’s centre and that a galaxy is most metal enriched in regions where the IMF slope
is more bottom-heavy.

We look at the relation between these gradients and the possible merging histories of the galaxies,
comparing our work to the work of K04. She reported that the initial metallicity-gradient in ETGs at z >
3 is in the range -1.5 – -1. These values are steeper than our observed gradients, but our galaxies have
redshifts of z ≤ 0.03 and are far past their initial star formation phase and underwent several mergers
since their initial formation.

K04 determined that with larger mergers the gradient becomes shallower. In fact, typical gradients
of post non-major mergers and post major mergers are -0.3 and -0.22 respectively. Drawing a hypo-
thetical line at ∇[M/H] = -0.3 we see that 7 of our galaxies are below this value so these galaxies are
most likely the product of non-major mergers. The fact that a steeper metallicity gradient coincides
with steeper IMF-gradients shows that the IMF-gradient is equally dependent on the merging history
of galaxies. Steeper metallicity gradients imply non-major mergers in which the star-formation ceases
outside-in, meaning star formation is more prominent in the central regions of the galaxy. And since
the metallicity in the central regions is high, and the IMF-metallicity relation holds, the IMF will steepen
near the galactic centre and remain stable in the outer regions.

The opposite is true for galaxies above ∇[M/H] = -0.22, where major mergers destroy the metallicity
gradients and, consequentially, the IMF gradients. In these events the effect of a merger is not limited
to the outer regions of the galaxy but instead penetrates the complete galaxy, forcing metal-rich stars to
migrate outwards, thereby steepening the IMF-slope in the outer regions (Kobayashi, 2004). This leads
to a flattening in both gradients.

4.3.2 Other parameter gradients

Given the IMF-metallicity relation suggested by MN15, the fact that we find a relation in their re-
spective gradients might not be too surprising. Therefore we shift our attention to the behaviour of the
other gradients and see if these can help to further constrain the merging history of galaxies.

Comparing the IMF slope with the [α/Fe], age, and [Na/Fe] parameters does not show any clear be-
haviour in the parameter space (Figure 4.3, left half of Figure 4.8). The radial gradients, however, seem
to show correlation for the individual galaxies in both the [Na/Fe] and age spaces. Figure 4.8 shows the
relation between the stellar population parameters [α/Fe], [Na/Fe], and age versus IMF slope in both
parameter (left) and gradient space (right).
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The upper left (right) panels show the IMF slope (gradient) versus the [α/Fe] abundance (gradient).
The [α/Fe] abundance is the parameter that depends least on the others: in both parameter and gradi-
ent spaces there is no correlation with the IMF values. Since both α-elements and Fe mainly originate
from stellar nucleosynthesis (supernovae type II and type Ia respectively) these plots can be used to
infer the occurrences of these events in the different systems. Based on the parameter plot [α/Fe] is
independent of IMF slope. In the gradient plot we see similar behaviour. [α/Fe] is equally likely to rise
or fall radially. This shows that there is no clear relation between [α/Fe] and IMF slope. Therefore, a di-
rect sensitivity between [α/Fe] and the merging history based on these plots is not seen. Since [α/Fe] is
used as a tracer for star-formation efficiency, the lack of relation between this parameter and the IMF is
surprising. The [α/Fe] relations are discussed in more detail in Section 5.3. The Spearman coefficients
are ρ = 0.27 ± 0.16 for the gradients and ρ = 0.16 ± 0.08 for the parameters.

Sodium is not part of the α-ladder and mainly originates from gas stripped from ∼8-9 M¯ stars.
Since NaD is both an IMF-sensitive index and the main contributor to the [Na/Fe] parameter, we ex-
pect a tighter relation in the IMF-[Na/Fe] plots than the one we find in the IMF-[α/Fe] plots. Based
on Figure 4.8 there is no evident correlation between these parameters. The gradients of these two pa-
rameters, however do show a negative trend: a positive IMF gradient corresponds to a negative [Na/Fe]
gradient and vice versa. This trend does not go through (0,0), meaning there is a transitional area where
both gradients can be negative. Spiniello et al. (2014) reported that the inferred IMF slope is highly sen-
sitive to the NaD line; the difference in the IMF slope calculated for the same spectrum including or
excluding the NaD line can be as high as 0.3. [Na/Fe] has a big impact on the IMF slope as well. We
conclude that the sodium abundance cannot be ignored when constraining the IMF slope from galaxy
spectra.

A radially rising IMF gradient implies a radially declining sodium fraction. Since NaD itself corre-
lates positively with IMF, the Fe abundance is causing this decline, meaning that with a raising IMF the
iron abundance increases more rapidly than the sodium abundance. This behaviour can be expected
in older stellar populations in which SNIa events have enough time to enrich the iron abundance in the
population. The Spearman coefficient is ρ = −0.80 ± 0.16 for the gradients and ρ = −0.09 ± 0.08 for
the parameters.

The IMF–log t plot (Figure 4.8, left lower panel) show a flat distribution with a slight preference for
younger stellar populations in the steeper IMF bins. A slight inverse correlation seems to be present
between these parameters. In the gradient space (bottom right panel) can be seen, like the [Na/Fe] pa-
rameter, a slight inverse correlation between the age and IMF slopes. Although the age gradients are
positive for the majority of the galaxies in our sample there are three galaxies with steep negative gradi-
ents. These galaxies have had no star formation in their centres for several Gyr and are expected to be
more or less quiescent during that time. The steepest positive age gradient correspond to the steepest
negative IMF gradient. This shows that stellar populations which grow radially older will decline radi-
ally in dwarf-star fraction. This hints towards a two-phased IMF slope where the initial star-formation
event is more metal-poor and thus more top-heavy, creating stars in the high-mass range which die
quickly and inject the ISM with metals. Later star-forming events will then fill up the lower stellar-mass
ranges due to the higher metallicities of the ISM creating a more bottom-heavy IMF (see also Section
5.5). K04 suggests that major mergers flatten the metallicity gradient and that non-major mergers cease
the star formation outside in. We report here that steeper IMFs correspond to steeper age gradients
(where the age of the population is older on the outside) which is the product of an outside-in cessation
of star formation. Therefore we conclude that galaxies in the top-left quadrant in the IMF–log t gradi-
ent plot can be the product of non-major mergers. Major mergers, on the other hand, flatten the IMF
gradients and this seems to coincide with the flattening of the age gradient. The Spearman coefficient
is ρ = −0.68 ± 0.16 for the gradients and ρ = −0.41 ± 0.08 for the parameters.
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Figure 4.8: Plots of [IMF, [α/Fe]], [IMF, [Na/Fe]] and [IMF, log t] in both parameter (left) and gradient
(right) space. The [α/Fe]-plots show no clear pattern in either of the plots and is therefore not assumed
to be a major factor in the IMF shape. The middle two plots show the [IMF, [Na/Fe]] plots. These show
no relation in paramter-space, but they seem to have a trend in gradient-space. The bottom two plots
show the [IMF, log t] plots. As with [Na/Fe], there is no clear relation in the paramter space itself. In the
gradient space a tentative negative correlation can be seen.
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4.3.3 Mean radial trends in galaxies

Finally we compare these results with the results from Kuntschner et al. (2010), hereafter K10. They
investigated radial trends in age, [M/H], and [α/Fe] in 48 different ETGs. We plot in Figure 9 a simi-
lar image as Figure 11 in K10, where the radial profiles of the galaxies are plotted, colour-coded by the
age-value of the innermost bin. We add to this the median of the galaxies for every parameter value per
radial bin to examine if there is, on a global scale, a general trend in the parameters.

The aim of K10 was to say something about both the individual radial trends as well as a median
radial trend in ETGs. Their main results were (1) if the central part of the galaxy is old (> 9 Gyr) the
age-gradients remain flat. (2) If the ETG is young in the centre, the age will increase towards the outer
annuli. (3) Metallicities decline rather homogeneously with an average gradient of -0.28 dex. (4) Abun-
dance ratios are typically flat or slightly rising with radius.

For all statements except (4) we find similar results: (1) age-gradients remain constant if the popu-
lation is old in the centre, whereas (2) galaxies with younger SSPs in their centres show a radial aging in
stellar population. (3) Metallicities decline (at least on average) with a constant radial gradient, where
we find a mean gradient of -0.21 dex within the effective radius. Due to the scatter in our [α/Fe] param-
eter it is difficult to conclude something definitive like result (4). The median gradient is constant at Reff

≥ 0.25 but in the inner bin the scatter in this parameter is high and contain several outliers. In Chapter
5.3 we discuss this further and speculate that we do find results consistent with argument (4).

K10 did not talk about the possible consequences that these gradients have on the IMF. Based on
Figures 4.7 and 4.9 we see that the IMF shows similar patterns as the metallicity in both parameter and
gradient space. We find a declining IMF profile with a slope steeper than Salpeter in the innermost bin
which grows shallower in the outer regions. This is also consistent with the MN15 results. Furthermore,
K04 reports that the metallicity-gradient depends on the merging history of galaxies. This means the
IMF will vary radially within galaxies and between galaxies based on the different merging histories.

36



Chapter 4 Results

Figure 4.9: Figure showing the mean radial variation of the SSP paramters in the 17 galaxes. The purple
diamonds represent the median value of the atmospheric parameter per fraction of the effective radius.
The black dashed lines are to guide the eye to the level of the Reff/4 value. The coloured, translucent
lines are the individual galaxies, colour-coded based on the age of their inner annuli (with violet being
young centres and red being old centres).
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Discussion

We begin by discussing the main results. We then highlight some limitations of the data. We will
quantify the uncertainties on the indices and the parameters, we will focus on model dependencies of
results and we will describe some relations we found between the stellar population parameters that
were not expected, nor reported in the literature. Finally, having these limitations in mind and under-
standing their implications on the results, we draw our final conclusions. Moreover, we analyse IMF
and galaxy formation studies that have not yet been highlighted in the previous chapters and discuss
possible future work and progress in the field.

5.1 Summary of the results

In this paragraph we summarize the main results of our research. We discuss the radial variation
of the individual indices as well as the relation between the indices. We conclude that, with few excep-
tions, the radial trends are negative in both the indices andσ. We determine that the most IMF-sensitive
indices are, in accord to the SSP models we use, NaD and TiO2, which are both correlating positively
with the low-mass end slope of the IMF.

We find hints for a linear IMF-σ relation, similar to Spiniello et al. (2014), but we note that scatter
is large and the trend could be artificial. In fact, Martín-Navarro et al. (2015a) reported that σ is not a
main IMF driver, nor is this relation found in resolved spectra. We question the IMF-[Mg/Fe] relation,
agreeing with La Barbera, Ferreras & Vazdekis (2015), although using a different set of SSP models and
a different functional form of the IMF. We confirm the Martín-Navarro et al. (2015c) IMF-metallicity re-
lation.

We look at the radial gradients of stellar population parameters within the individual galaxies. We
determine that IMF and [M/H] show a correlation in both parameter and gradient space. We also use
the work of Kobayashi (2004) to speculate about the merging history of galaxies based on these gradi-
ents, where we hypothesize that steeper gradients in IMF and metallicity are the result of non-major
mergers, whereas flatter gradients are the results of major mergers. Based on the trends of the three
other SSP parameters we show that [α/Fe] is independent of the other gradients and is unaffected by
merging histories, and that the [Na/Fe] and age gradients show a negative correlation with both the
IMF and metallicity gradients. When stellar ages are younger in the centre it means that star-formation
in the outer regions is less efficient. We conclude this is due to non-major mergers. Shallower age-
gradients are expected after major mergers. Our data shows a relative equal distribution between major
and non-major merger galaxies: 7 out of 17 galaxies originate from non-major mergers based on their
steep metallicity gradients.
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Finally, we briefly compare our results with Kuntschner et al. (2010), who also studied radial gra-
dients in several stellar population parameters. In three out of four key points regarding the age and
metallicity gradients our results agree with their study. We confirm that (1) galaxies with old centres
have a flat age gradient, (2) galaxies with young centres grow radially older and (3) metallicities radially
decrease with a homogeneous average gradient, where Kuntschner reports a radial variation of -0.28
dex and we find -0.21 dex. Argument (4) is based on the [α/Fe] gradients and is an argument we cannot
confirm. We elaborate on [α/Fe] in Chapter 5.3.

5.2 Uncertainties and contamination

The sources of uncertainties considered in this thesis are threefold: i) flux uncertainties from the
CALIFA datacubes, ii) uncertainties of the line-index strength measurements computed by SPINDEX,
and iii) uncertainties on stellar population parameters inferred via the χ2 analysis.

First we look at the individual indices. In case of the elliptical bins, 25 lines (out of the 603 total)
have a high uncertainty (> 2 times the median uncertainty of an index) after the smoothing procedure.
This excludes the already discarded aTiO index (due to [OI] telluric contamination) and the CaH2 in-
dex (which has a blue pseudo-continuum that overlaps with an emission line at 7200 Å, possibly an OH
line). Individually these lines will not affect conclusions drawn from the index parameters. The uncer-
tainties, however, will be propagated into the parameter determination and from there propagate into
the gradients.

In Appendix B we plot all of the indices in all of the elliptical bins, where the indices of the inter-
galaxy bins are normalized and overplotted. From these plots it is evident that most of the indices that
are extreme outliers are contaminated in their spectrum. This can be due to contamination from (tel-
luric) emission lines (e.g. TiO2 and CaH1 in NGC6411), inadequate masking by GANDALF (e.g. Hβ in
NGC6338) or due to bad-pixel regions in the CALIFA datacube which we masked inadequately. Dis-
carded indices are written in cursive numbers.

All outliers, with the exception of 5 bTiO lines, can be explained with the three arguments above. The
unexplained bTiO lines show relatively large uncertainties despite there not being an evident reason for
it. For example, all bTiO lines in NGC5966 show large uncertainties, yet their spectra look normal as
do their respective error-layers in the original data-cube. We note, however, that the measured bTiO
values in this galaxy are negative. This is outside the bTiO range of the CvD12 SSP models, which do
not go into the negative values for bTiO. This means that the bTiO values are unusual in these systems
and this might explain the large uncertainties. Here the large uncertainties might work in our favour,
since the SSP models will be fit on an index-by-index basis and a large uncertainty in values outside
the parameter-range will give us smaller uncertainties in the best-fit SSP parameters as the error-bar
will most likely fall into the parameter range. Small uncertainties, on the other hand, will force the SSP
models to stay as near as possible to these bTiO values, thereby overcompensating in the other indices
and creating larger uncertainties in the SSP parameter determination (see also Section 5.3).

Finally one note on the uncertainty in the age parameter, which depends solely on Hβ. Large un-
certainties in this index will propagate directly through to the stellar ages. In general the uncertainties
in the age-parameter are in the order of 1-2 Gyr. These values are large, but not unexpected given that
other studies who use solely Hβ as a probe for stellar age find similar uncertainties (e.g. Kuntschner
et al. 2010; Greene et al. 2015). In fact, Trager et al. (2000b) reported that contamination in Hβ by non-
main sequence stars can cause small reductions of the inferred stellar age by at most 15% in the oldest
stellar populations. Serra & Trager (2007) stated that a Balmer-line weighted age is biased towards the
younger stellar populations and produce younger stellar ages than dervied from luminosity-weighted
ages. Therefore, the SSP ages should not be interpreted as time passed since star formation but rather as
an indication to the absolute age differences between different spectra. Greene et al. (2015) interpreted
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these uncertainties as a reason to take the results in ages with some restraint. We approach age in a
similar way and do not use it to draw definite conclusions, but only as support to conclusions based on
the other parameters.

5.3 Mgb uncertainties

Our analysis revealed a systematic tendency of the [Na/Fe] parameter to cluster around [Na/Fe] =
0.15. The SSP models had trouble fitting this parameter and ended up pegging at this value (see top of
Figure 5.1).The χ2 values at [Na/Fe] = 0.3 are very high in these spectra and since the best-fit SSP model
is determined by interpolation of the minimum χ2 value in every parameter bin, the best-fit is set be-
tween [Na/Fe] = 0.1 - 0.2 due to the steep decline in χ2 between 0.2 - 0.3.

The problem of the χ2 determination in the [Na/Fe] = 0.15 spectra originates from the Mgb index:
specifically, the problem is in the extremely small χ2 values resulting from the small uncertainties in
this index. The uncertainties on the Mgb index are much smaller (<0.5), than the ones on other indices.
Consequently, Mgb has a strong weight in our χ2 analysis: the small errorbars force the SSP model to fit
the Mgb, overcompensating the fit on the other indices.

Therefore we redefine the Mgb errors to give the models more freedom in fitting this index. To
redefine the magnesium uncertainties we first determine the best-fit model while excluding the Mgb

line from the process. From this best-fit model we extract the Mgb value and redefine the uncertainty
in magnesium to be the standard deviation between the measured and best-fit Mgb values. With this
method, the uncertainties on the Mgb index result to be a factor 2-5 higher, and the region around
[Na/Fe] = 0.15 results less populated. In fact, a smoother transition between lower and higher values for
the [Na/Fe] abundance are visible from the lower panel of Figure 5.1, where the correction have been
applied to the data. We cannot say for certain that a preference for [Na/Fe] = 0.15 is completely gone,
but as seen in Figure 5.1, it is not obvious anymore and the plot looks more natural. This adjustment
does not significantly affect the other parameters.

Figure 5.1: Inferred [Na/Fe] abundances before (up) and after (bottom) enhancement of the error in
magnesium. In the top plot an artificial clustering around 0.15 can be seen. In the bottom plot the
pegging is gone after the adjustment of the Mgb uncertainties.
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5.4 [α/Fe] versus other proposed IMF-parameters

Conroy & van Dokkum (2012b) reported a positive correlation between the IMF slope and stellar
velocity dispersion (σ) as well as between the IMF slope and the [Mg/Fe] abundance ratio. We already
touched on this topic in Section 4.2 where we showed that a direct IMF-σ relation is unlikely and that
the IMF correlates much better with metallicity. The velocity dispersion σ is more likely to directly cor-
relate with metallicity, causing the appearance of an IMF-σ correlation. Here we check the reported
[Mg/Fe]-σ relation. Since magnesium is a tracer for α in general (Worthey, Faber & Gonzalez, 1992;
Trager et al., 1998), we review the [α/Fe] relations with IMF and σ. In Section 4.3 we already reported a
lack of relation between the [α/Fe] and other stellar population parameters. However, a relation might
exist between the IMF (or σ) and one or more individual α-elements. To investigate this, we look at
the IMF sensitivity of the absorption lines of α-sensitive features in our sample: O, Mg, Ca, Ti, and Fe.
Moreover, we also study the general [α/Fe] atmospheric parameter as retrieved from the CvD12 SSP
models.

Table 5.1: Correlation coefficient of α indices vs. IMF slope

Index ρ p-value

bTiO -0.008 0.95
Mgb 0.38 10−3

〈Fe〉 0.39 10−3

[MgFe] 0.46 10−4

TiO1 0.23 0.07
TiO2 0.65 10−9

CaH1 0.35 10−2

We report in Section 4.1 that, in the set of α-element-sensitive indices, TiO2 seems to be the best
IMF tracer, while all the other elements are less or not correlated with IMF slope. Using a method simi-
lar to the one used to calculate gradients, we determine the Spearman correlation coefficient for these
indices with respect to the best-fit IMF slope to see how consistent the sensitivity is. The results are
shown in Table 5.1. In this table the p-value is the probability that the null-hypotheses (the assumption
that two variables are not correlated) is true. Here we see that indeed TiO2 has the strongest correlation
with the IMF-slope. It is surprising to note the lack of correlation the IMF-slope seems to have with
the bTiO value, a generally accepted IMF-sensitive index. We note that this value does not mean the
bTiO does not play a role in dwarf-star measurements, it means that the χ2 fitting procedure prefers
TiO2 as a stronger base for its model-fitting. The idea that an enhancement in α-elements correlates
with a change in the IMF slope is not apparent based on the correlation between the IMF slope and the
individual α-element sensitive indices. Comparing the [α/Fe] values with the IMF slope, there is also
no correlation (ρ = 0.16).

The [α/Fe] parameter is expected to correlate with the velocity dispersion (e.g. Trager et al. 2000b;
Arrigoni et al. 2010; Conroy & van Dokkum 2012b). In Figure 5.2 on the top panel we plot the [α/Fe]-σ
relation together with the relation derived in Trager et al. (2000a). It is clear that our data does not fol-
low this relation since our measured [α/Fe] is not sensitive to σ. In the individual α-sensitive indices
there seems to be a positive correlation between σ and magnesium, iron, and the TiO1 indices. In the
remaining α-sensitive indices there seems to be a lack of relation.

As expected, Mgb/〈Fe〉 shows similar invariance with σ thanks to their links with α (Figure 4.5).
This result is inconsistent with Conroy & van Dokkum (2012b) but consistent with Martín-Navarro et al.
(2015a).
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In Figure 5.3 we compare our values to the values reported in Arrigoni et al. (2010). They presented
the Mgb/〈Fe〉 fractions for systems in a broad range of galaxy mass. Despite the invariance [α/Fe] shows
with σ, our values agree with the values of Arrigoni. In Figure 5.3 we show that on a larger range of σ
our points (within the error bars) follow those of Arrigoni relatively well, even though our points seem
invariant with σ when viewed on their own. Our points tend to be slightly higher and have a bit more
scatter in the Mgb/〈Fe〉 values.

Figure 5.2: Upper panel: the [α/Fe]-σ relation. Lower panels: various α elements as function of the
stellar velocity dispersion. The purple diamonds are the elliptical bins and the purple crosses are the
Voronoi bins. The red crosses are results from Trager et al. (2000a). The dashed line is the [α/Fe]-σ
relation from Trager et al. (2000a): [α/Fe] = 0.33logσ−0.58. In later work Arrigoni et al. (2010) reported
that the Trager relation is too high by a factor of ∼0.1-0.25 dex, a correction which makes the line fit out
data better as well. The magensium, iron, and the TiO indices correlate positively with σ. Not plotted
are [TiO2, σ], which shows similar behaviour as TiO1, and [CaH1, σ], which shows no relation.

The flat distribution we see in [α/Fe] and Mgb/〈Fe〉 is also present in our radial gradients where ∇
Mgb/〈Fe〉 ∼ 0. This is consistent with key point (4) in the paper of Kuntschner et al. (2010) discussed
above, who report that abundance ratios remain typically flat (or slightly rising) with radius. This be-
haviour is also reported in McConnell, Lu & Mann (2016), where they investigated two ETGs and dis-
cover no radial gradients in either [Mg/Fe] or [α/Fe]. In Figure 4.9 we also report a lack of radial gradient
[α/Fe], and in Figure 4.8 we show that [α/Fe] in individual galaxies show no clear pattern.
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The consistency with the Kuntschner et al. (2010) and McConnell, Lu & Mann (2016) gradients and
the Arrigoni et al. (2010) values shows that our values are consistent with other findings. We cannot
definitively explain why studies like Trager et al. (2000a) and Conroy & van Dokkum (2012b) find a clear
[α/Fe]-σ relation and we do not. We suspect that, similar to Subsection 4.2.1 where the IMF-σ rela-
tion is reported in unresolved data and not found in resolved data (Martín-Navarro et al., 2015a,b), the
[α/Fe]-σ relation is present in unresolved data and absent in resolved data. This would mean that gen-
eral relations with velocity dispersions are less prominent in unresolved data.

Figure 5.3: Figure showing a comaprison in the Mgb/〈Fe〉 space of our results (purple diamonds) versus
those of Arrigoni et al. (2010) (yellow diamonds). Despite our lack of finding an [α/Fe]-σ relation, the
values in Mgb/〈Fe〉 seem to follow the findings of Arrigoni et al..

5.5 Recent studies on the IMF slope

In this subsection we briefly discuss other recent work published in the field of the IMF slope that
has not been discussed in previous sections. Recent studies on IMF variations and radial variation in
stellar population parameters in ETGs are discussed.

Weidner et al. (2013a) (hereafter W13) compared different IMF studies and mentioned that there
is no consistency reported in the shape of the IMF over a large range of stellar masses. They pointed
out that, in ETGs, a Kroupa IMF produces too few low-mass stars and that a bottom-heavy IMF fails
to explain the high metallicities in the systems. To circumvent these shortcomings, W13 proposed an
evolving, two-phase IMF (not to be confused with the two-phase formation model of ETGs). They pro-
posed that ETGs are formed with a short (≤ 0.3 Gyr) initial star-burst with high star-formation efficiency,
producing a top-heavy IMF. This first stage ensures that the ISM of the system is sufficiently metal-
enriched. This process is followed by a second stage in which the bulk of the stellar mass is formed
with a bottom-heavy IMF. This process creates the low-mass stars, which would agree with ETG obser-
vations. W13 defined a transition time-scale, ∆tIMF, which tracks the expected timescale necessary for
a system to transform from a top-heavy to a bottom-heavy IMF; ∆tIMF is in the order of ∼ 1 Gyr. W13
underlined the necessity of a time-dependent IMF shape. This fits in our findings of the previous chap-
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ter, where we determine a steep initial IMF gradient in ETGs, in which the IMF is steepest in the center.
Since we need high metallicities for steep IMF slopes, a short, highly efficient, starburst phase is the best
possibility to achieve these values. Finally, also metallicity gradients are well explained in this scenario,
because starbursts will take place in the innermost region and will not heavily influence the outskirts.

Greene et al. (2015) (hereafter G15) examined radial trends in the stellar population parameters of
∼100 ETGs from the MASSIVE survey. They examined and compared stacked spectra of both the central
regions (≤ 0.5 Reff) and the outskirt of the galaxies at up to 2.5 Reff. They focused on various abundance
ratios ([Fe/H], [α/Fe], [C/Fe], [N/Fe], [Ca/Fe]) as well as stellar age. They analysed the results with
the assumption that ETGs form hierarchically. In the central bins the strongest radial gradients were
present in [Fe/H] and [C/Fe], which both decline with radius. All other abundance ratios remained flat.
Galaxies with higher σ-values had older stellar ages and higher [α/Fe] and [C/Fe] ratios. At larger radii
these trends with σ got weaker and over a wide range of σ (as well as galaxy mass) the abundance ratios
were similar. G15 did not find significant gradients in either age or [α/Fe], and only gentle gradients in
[Fe/H], which is a tracer of metallicity via [Z/H] = [Fe/H] + 0.94[α/Fe] (Trager et al., 2000b). In the cen-
tral region age and [α/Fe] rose with increasing σ values, while in the outer radii the stellar population
parameters were similar with values in lower mass galaxies. Since minor, wet mergers will accrete onto
the primary galaxy and will not penetrate the inner regions, this result confirms the validity of the hier-
archical formation model. Even though G15’s measurements extend radially beyond our range, we can
still compare similarities in radial variations. They find no significant gradients in the age parameter
of their galaxies, with which we agree upon, based on our average age gradient (Figure 4.9). Individual
galaxies, however, show strong age gradients, with the most extreme galaxies exceeding a gradient of
7 Gyrs. [α/Fe] in G15 does not seem to have a significant spatial gradient, but the overal values rise
with increasing σ. We find similar results in the [α/Fe] gradients. However, it is puzzling that G15 finds
an [α/Fe]-σ correlation in resolved spectra, whereas, as mentioned in previous sections, other studies
based on resolved spectra do not.

La Barbera, Ferreras & Vazdekis (2015) fitted radial trends with the TiO lines in massive ETGs from
the SPIDER sample. Their best-fit IMF model consisted of a bimodal slope whose IMF-slope above 0.5
M¯ declines from x = 3 in the centre to Salpeter (x = 2.35) at 0.5 Reff. Martín-Navarro et al. (2015b) mea-
sured IMF gradient in two high-mass galaxies and one low-mass galaxy. They fitted a bimodal IMF and
found, within the high-mass galaxies, a Salpeter-like slope at 0.7 Reff with an extreme slope up to x = 4
near the centre. The low-mass galaxy did not show radial variations. Both of these studies found an IMF
slope steepening towards the centre. We find similar trends, where a bottom-heavy IMF in the center
leads to radially shallower IMFs. But not all the galaxies require a bottom-heavy IMF in the centre; the
IMF slope of galaxies with a shallow IMF in their centre tend to rise slightly or remain radially invariant.

A crucial difference that must be highlighted between these papers and our work is that, while they
vary the high-mass end slope of the IMF, we vary the low-mass end. Our IMF slope on average radially
declines from x ∼ 2.75 at 1/8 Reff to slightly sub-Salpeter at 1 Reff. So we do not find on average the ex-
treme central values that Martín-Navarro et al. (2015b) measure (although individual galaxies can have
IMF-slopes up to x ∼ 3.5 in the centre), but we underline that the IMF shows radial flattening.

McConnell, Lu & Mann (2016) measured radial gradients and abundance ratios in 2 ETGs. Their
dwarf sensitive features, NaI and the Wing-Ford band (FeH), seem to lead to contradictory results.
Where [NaI/〈Fe〉] shows a a sharp rise towards the centre, FeH shows a decrease towards the centre.
They explained this by noticing that although the peak cool-dwarf sensitivity in both NaI and FeH lies
below 0.2 M¯, the cool-dwarf sensitivity of FeH declines twice as fast as that of NaI. Therefore a radial
trend in NaI but not in FeH could expose an IMF that only gets bottom-heavy above 0.4 M¯.
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5.6 Future work

This work shows that the IMF in ETGs can vary both with time and in space. Possible physical pro-
cesses behind these variations include the merging history of galaxies as well as the contribution of
stellar feedback through supernovae and stellar winds. The next step forward should be to move the
question from ’is the IMF universal?’ to ’are there universal processes which affect the IMF in a pre-
dictable way?’ The goals are to 1) understand what drives the IMF variations (physical processes, both
local and global) and 2) build up a consistent formation/evolution scenario able to explain all the ob-
servations on different scales and systems.

We need to determine on which physical parameters IMF is the most dependent. From this work
metallicity is a prime candidate, but other parameters like kinematics and abundance ratios can not be
completely excluded. If the statement that the merging history of galaxies influences [M/H] and thus
IMF in a more or less predictable manner is true, one way to continue this search is to do simulations
of galaxies with different merging histories with some predetermined set of SSP models and determine
whether or not we are able to reproduce the parameters we measure. If such results are positive, we are
able to shine some new light on the theories of galaxy formation.

More study should be done on the IMF of late-type galaxies (LTGs). In particular the possible simi-
larities between the IMFs in LTGs, ETGs, and other stellar structures. LTGs generally consist of younger
stellar populations and have not been subjected to past major mergers. If here we find similar IMF de-
pendencies it could underline our understanding of the physical processes which drive the IMF. The
IGIMF theory seems to have started this process of IMF unification (Weidner & Kroupa, 2005).

We could determine the early-phase IMFs by examining objects at high redshift. The advantage is
that we can make a time-dependent picture of the IMF (as previously done by Davé, 2008) and confirm
the idea of a time-varying IMF. The downside is that we are currently not able to resolve the galaxies at
high redshift to determine actual radial variations and thus need to limit ourselves to integrated meas-
rements of the IMF slope at these distances.

We can look at the various results provided by different SSP models, or extend on the current ones.
We use MILES (Falcón-Barroso et al., 2011) and CvD12 (Conroy & van Dokkum, 2012a) models in this
project, but other models based on stellar libraries like UVES-POP (Bagnulo et al., 2003) and XSL (Chen
et al., 2014) provide good alternatives. As mentioned in Spiniello, Trager & Koopmans (2015), different
models give different predictions on the amount of IMF variation, especially for different sets of indices.
It is therefore necessary to test and fully understand the underlying assumptions and the different in-
gredients used by SSP models.

Finally, the assumption of a power-law IMF should be relaxed. A lot of possible IMF shapes have
been proposed for a various amount of structures. IMF can be Salpeter, a Chabrier-like log-normal, a
uni-, bi- or even tri-modal, the low-mass end can steepen or flatten, and the same goes for the high-
mass end. In recent work Lyubenova et al. (2016) compared the dynamical mass-to-light ratio (Υd yn)
with the stellar mass-to-light ratio (Υ∗). They fitted SSPs assuming both a unimodal IMF or a bimodal
IMF with a varying high-mass end slope and compare the resulting mass-to-light ratios. Using the phys-
ical limit of Υd yn ≥ Υ∗ they reported that the unimodal IMF breaks this limit for the majority of their
sample whereas the bimodal IMF did not violate this constraint (within error-bar limits). From this they
concluded that the unimodal slope for the IMF should be discarded, since it is unable to predict phys-
ically valid mass-to-light ratios. With research like this we can discard certain IMF theories and further
constrain the IMF shapes.
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Conclusion

The IMF function is a relation that describes the mass distribution of formed stars in a single star-
forming phase. The general shape of the IMF is the subject of great debate and it is still unclear what the
general processes that set the IMF slope are. Studies on the IMF are dominated by two approaches: the
dynamical approach in which the IMF is inferred via stellar kinematics and gravitational lensing (e.g.
Auger et al. 2010; Treu et al. 2010; Cappellari et al. 2012), and the spectroscopic approach in which the
IMF is inferred via absorption lines and abundance ratios (e.g. Conroy & van Dokkum 2012b; Spiniello
et al. 2014; Martín-Navarro et al. 2015a).

In this thesis we approached the IMF in a spectroscopic way. We presented resolved stellar popu-
lation studies of 17 ETGs taken from the CALIFA data sample (Sánchez et al., 2012). The galaxies were
rebinned in four elliptical apertures, from 1/8 Reff up to 1 Reff, with the goal of determining atmospheric
parameter variations at different radial distances. We used pPXF (Cappellari & Emsellem, 2004) to de-
termine the stellar kinematics of the spectra and we used GANDALF (Sarzi et al., 2006) to clear the
spectra from emission line contamination. We then extracted Lick/IDS indices, as well as newly de-
fined indices, using SPINDEX (Trager, Faber & Dressler, 2008) comparing them with the ones measured
in a set of CvD12 SSP models (Conroy & van Dokkum, 2012a) in order to extract the different stellar
population parameters of the spectra based on the best-fit models. The parameters extracted are IMF
slope (x) , metallicity (Z or [M/H]), α-abundance ratio [α/Fe], sodium-abundance ratio [Na/Fe], and
stellar age (t). We compared our extracted values and relations between the parameters with previ-
ously reported ones in order to validate our findings. The IMF-σ (e.g. Spiniello et al. 2014), IMF-[M/H]
(Martín-Navarro et al., 2015c), [α/Fe]-σ (e.g. Trager et al. 2000a) relations, and the NaD influence on
the IMF slope (Spiniello, Trager & Koopmans, 2015) have been discussed.

We then focused our attention on radial gradients within the ETGs. Gradients in metallicity (and
thus in the IMF-slope) are reported to be affected by the formation history of the galaxy. There are two
things to keep in mind. First, to explain the IMF in ETGs it is proposed that the initial star-formation
produces a top-heavy IMF. These giant stars will die quickly, injecting the ISM with metals needed
to explain the bottom-heavy IMFs we see today (Weidner et al., 2013a; Ferreras et al., 2015). Second,
the metallicity gradient is heavily influenced by the formation history of the galaxies. Monolithic col-
lapse predicts steep metallicity gradients with metal-rich centres where hierarchical formation models
predict shallower gradients. Secondary star-formation via mergers will again change the metallicity
gradients. Non-major mergers will cease star-formation in the outer regions, thereby steepening the
metallicity gradients. Major mergers, however, will force metal-rich stars to migrate towards the outer
regions, thereby flattening the gradient (Kobayashi, 2004). Thus looking at the metallicity gradient and
IMF-slope gradients will allow us to infer merging histories of galaxies.
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We recap the main results of our analysis below:

• In our set of Lick/IDS indices the IMF, as inferred from CvD12, is most correlated with the TiO2
and NaD indices. Surprisingly, the bTiO index is uncorrelated despite being previously consid-
ered an IMF-sensitive index (Spiniello et al., 2014). Furthermore, we find similar trends in TiO2
and NaD with the velocity dispersion (σ) and metallicity, which indicates that there is a relation
between these two parameters and the IMF.

• The IMF-σ relation is very loose in our sample. Multiple studies have reported the existence of
this relation (e.g. La Barbera et al. 2013; Spiniello et al. 2014) and some studies have reported the
absence of this relation (Martín-Navarro et al., 2015a). It appears that studies that confirm the
IMF-σ relation are all reported in unresolved stellar populations, whereas both Martín-Navarro
et al. (2015a) and this study, who do not find a clear IMF-σ relation, use resolved stellar popu-
lations. Most likely the reported IMF-σ relation is due to an interplay between the IMF-[M/H]
relation and the [M/H]-σ relation.

• We report an IMF-[M/H] relation and confirm the linear relation derived in Martín-Navarro et al.
(2015c) (MN15). The main difference between these studies is that MN15 varies the high-mass
end of the IMF, where we vary the low-mass end. The combined results of MN15 and this work
tells us that the fraction of low-mass stars to high-mass stars grows with increasing metallicity
regardless of which portion of the IMF you vary. Since metallicity is regulated through stellar
nucleosynthesis, it depends heavily on the IMF and the star-formation history (SFH). The SFH
depends on the formation history of galaxies which, on its turn, affects the metallicity gradient
(Kobayashi, 2004). These relations make it possible to determine the merging history of galaxies
based on gradients (∇) in stellar population parameters.

• We determine the averages of the stellar stellar population parameters for every elliptical radial
bin to investigate mean radial trends of our sample. On average the radial IMF slope flattens from
x ∼ 2.75 to slightly sub-Salpeter (x <2.35) at 1 Reff. Similar trends are shown in metallicity, where
the difference between inner and outer bin are on average -0.21 dex. On average the stellar age
remains flat over radius, but in the individual galaxies there are differences. ETGs that are old in
the centre tend to remain old over radius whereas ETGs that have young centres age radially with
differences up to 7 Gyr. ETGs with younger centres have steep IMF-slopes in the inner regions as
well, as expected of galaxies that underwent non-major mergers.

• A tight relation between the IMF gradient and the metallicity gradient is shown. Steep (negative)
metallicity gradient coincide with steep (negative) IMF slope gradients. This is in accord with our
previous point, where higher metallicities relate to steeper IMF slopes. Kobayashi (2004) reports
that the merging history of galaxies can be inferred from the radial gradients in metallicity and,
thus, from the IMF-slope. Galaxies that underwent non-major mergers have a steeper negative
metallicity than galaxies that underwent a major merger, where the turn-off between these two
is between ∇[M/H] = -0.3 – -0.22. Non-major mergers cease star-formation outside-in, leading to
enhanced metallicities, a steeper IMF slope, and younger stellar populations in the inner radii. In
our sample seven galaxies have ∇[M/H] < -0.3, implying a non-major merger history.

• In the other atmospheric parameter gradients there is an inverse correlation between ∇t and ∇x,
as is in accord with the idea that non-major mergers have both steeper IMF-slopes in the centre
as well as continuous star-formation causing a younger population. A similar trend is seen in
∇[Na/Fe] vs. ∇x, which supports the suspision of Spiniello, Trager & Koopmans (2015) that the
NaD index and sodium fraction have a huge impact on the inferred IMF-slope.
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In conclusion, multiple studies on the IMF in ETGs point towards a two-phased IMF shape. The
original star-forming phase originates from one massive gas cloud, creating a stellar mass distribution
with a top-heavy IMF. After 1 – 2 Gyr most of the stars in the high-mass bins will have died and injected
the ISM with metals, creating the high metallicity that is measured in bottom-heavy IMF regions. In
the monolithic collapse scenario the story ends here, where the giant stars mainly populate the centres,
thereby mainly enhancing metallicity in the inner regions causing a steep radial gradient.

In the hierarchical formation model the ETGs grow with multiple mergers. Mergers are classed as
major, minor, wet, and/or dry. The high velocity dispersions in our ETG sample implies that both wet
and dry mergers are present. The major and minor mergers both have their unique effect on the galaxy’s
star formation. Major mergers will perturb the galaxy to small radii, forcing metal-rich stars to migrate
outward, thereby flattening the metallicity gradient. Minor mergers will accrete more quiescent on the
parent galaxy, thereby heating the ISM in the outer regions and ceasing star formation. It is even possi-
ble for the gas of the infalling galaxy to fall inward and induce star formation in the inner regions. Minor
mergers will, therefore, steepen the metallicity and IMF gradient.

The proposed relation of Martín-Navarro et al. (2015c) between IMF and metallicity, a relation we
find as well, could be a gateway to a new method of probing the IMF. Determining the IMF by measur-
ing the metallicity could be more straightforward than measuring the IMF through the conventional
methods of gravitational lensing and absorption line spectroscopy. This, however, will heavily depend
on the tightness of the IMF-metallicity relation and will be worth investigating in future works.
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Appendix A

Appendix A contains 3 tables. Table AI presents the measured SPINDEX values of Lick/IDS in-
dices bTiO, Hβ, Mgb, Fe5270, Fe5335, and [MgFe]. Table AII presents the measured SPINDEX values
of Lick/IDS indices NaD, TiO1, TiO2, and CaH1. Table AIII presents the best-fit SSP parameters dervied
through χ2 statistics. Cursive numbers and ’N/A’ values are outliers and are discussed in Section 5.2.

Table AI

bTiO [10−2] Hβ Mgb Fe5270 Fe5335 [MgFe]

NGC0499 Reff/8 2.60±0.31 1.14±0.19 4.75±0.24 2.21±0.24 2.12±0.14 3.20±0.12
Reff/4 1.47±0.35 1.34±0.14 4.23±0.11 2.52±0.24 2.08±0.14 3.12±0.10
Reff/2 0.71±0.46 1.33±0.12 3.82±0.12 2.16±0.26 1.69±0.16 2.71±0.11
Reff 1.48±0.41 1.39±0.19 3.82±0.12 2.29±0.22 1.82±0.13 2.80±0.09

NGC1349 Reff/8 2.34±0.58 1.68±0.19 3.81±0.11 2.91±0.14 2.00±0.12 3.06±0.06
Reff/4 2.66±0.25 1.61±0.16 3.87±0.14 2.72±0.12 1.30±0.19 2.79±0.09
Reff/2 1.94±0.49 1.97±0.16 3.23±0.13 2.21±0.10 1.36±0.18 2.40±0.08
Reff 1.39±0.35 2.55±0.45 2.55±0.11 1.98±0.13 1.44±0.23 2.09±0.09

NGC5966 Reff/8 0.86±0.22 1.61±0.09 3.60±0.10 2.09±0.14 1.43±0.13 2.52±0.07
Reff/4 -0.41±0.55 1.73±0.10 3.18±0.09 2.29±0.08 1.78±0.09 2.54±0.05
Reff/2 -0.04±0.37 1.70±0.05 3.04±0.08 2.18±0.09 1.64±0.12 2.41±0.05
Reff -0.76±0.50 1.66±0.06 2.83±0.09 2.04±0.10 1.69±0.08 2.30±0.05

NGC6020 Reff/8 1.43±0.13 1.59±0.11 3.75±0.11 2.63±0.15 1.94±0.12 2.93±0.07
Reff/4 0.75±0.50 1.84±0.13 3.65±0.12 1.94±0.18 1.67±0.12 2.57±0.08
Reff/2 1.18±0.29 1.73±0.07 3.10±0.13 2.09±0.15 1.50±0.13 2.36±0.07
Reff 1.26±0.23 1.88±0.07 3.11±0.11 1.81±0.14 1.40±0.10 2.23±0.07

NGC6125 Reff/8 -0.53±0.65 1.74±0.04 3.32±0.12 2.84±0.21 2.50±0.14 2.98±0.08
Reff/4 0.98±0.22 1.54±0.08 3.76±0.10 2.06±0.23 1.79±0.16 2.69±0.10
Reff/2 0.04±0.34 1.65±0.11 3.62±0.12 1.90±0.19 1.50±0.15 2.48±0.09
Reff 0.80±0.26 1.40±0.13 3.32±0.12 1.84±0.17 1.27±0.19 2.27±0.10

NGC6146 Reff/8 1.87±0.49 1.92±0.29 3.58±0.07 2.43±0.16 1.44±0.20 2.63±0.09
Reff/4 0.29±0.36 1.91±0.15 3.63±0.09 2.51±0.10 1.80±0.12 2.80±0.06
Reff/2 0.50±0.26 1.71±0.08 3.40±0.08 2.53±0.12 1.87±0.14 2.74±0.06
Reff 0.20±0.32 1.72±0.10 3.32±0.11 2.41±0.09 1.71±0.13 2.62±0.06

NGC6150 Reff/8 1.38±0.36 1.56±0.11 3.90±0.08 2.57±0.14 1.88±0.10 2.95±0.06
Reff/4 1.49±0.19 1.52±0.08 3.90±0.10 2.58±0.15 1.91±0.13 2.96±0.07
Reff/2 0.07±0.28 1.69±0.16 3.93±0.09 2.80±0.12 1.97±0.16 3.06±0.07
Reff 1.47±0.22 1.71±0.12 3.67±0.09 2.56±0.13 1.76±0.25 2.82±0.09

NGC6173 Reff/8 3.04±0.24 0.93±0.22 3.20±0.07 2.49±0.15 1.13±0.25 2.40±0.10
Reff/4 1.61±0.26 1.84±0.09 3.61±0.17 2.79±0.09 1.81±0.22 2.88±0.09
Reff/2 1.63±0.23 1.64±0.10 3.53±0.14 2.60±0.11 1.92±0.25 2.82±0.09
Reff 1.79±0.37 4.90±0.86 4.24±0.25 2.47±0.32 2.23±0.41 3.16±0.19
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bTiO [10−2] Hβ Mgb Fe5270 Fe5335 [MgFe]

NGC6338 Reff/8 2.04±0.47 0.60±0.23 4.15±0.13 2.71±0.25 2.08±0.46 3.15±0.17
Reff/4 1.25±0.54 1.24±0.17 4.05±0.14 3.03±0.17 2.18±0.39 3.25±0.14
Reff/2 1.31±0.47 1.65±0.12 3.67±0.10 2.50±0.15 1.57±0.35 2.73±0.13
Reff 0.40±0.58 1.86±0.17 3.33±0.20 2.18±0.32 1.43±0.19 2.45±0.14

NGC6411 Reff/8 0.28±0.21 1.70±0.07 3.22±0.06 2.35±0.11 1.73±0.10 2.56±0.05
Reff/4 -0.25±0.35 1.89±0.04 3.24±0.07 2.32±0.11 1.44±0.11 2.47±0.05
Reff/2 -0.41±0.34 1.87±0.06 3.01±0.07 2.32±0.11 1.67±0.12 2.45±0.06
Reff 4.84±1.29 1.77±0.06 2.75±0.20 2.04±0.17 1.39±0.33 2.17±0.13

NGC6515 Reff/8 3.82±0.51 2.23±0.12 3.52±0.07 2.06±0.21 1.23±0.20 2.41±0.11
Reff/4 0.91±0.38 1.59±0.08 3.13±0.09 2.22±0.10 1.70±0.11 2.48±0.05
Reff/2 1.66±0.32 1.71±0.14 3.08±0.08 2.43±0.08 1.36±0.15 2.41±0.06
Reff 2.38±0.47 1.95±0.11 3.10±0.12 2.26±0.18 1.10±0.24 2.28±0.11

NGC7194 Reff/8 1.44±0.38 1.65±0.11 4.00±0.09 2.72±0.11 1.93±0.16 3.05±0.07
Reff/4 1.44±0.19 1.59±0.09 3.78±0.09 2.81±0.10 1.67±0.14 2.91±0.06
Reff/2 1.80±0.48 1.41±0.10 3.62±0.08 2.53±0.11 1.63±0.18 2.74±0.07
Reff 0.90±0.37 1.39±0.07 3.62±0.13 2.83±0.14 1.25±0.31 2.72±0.12

NGC7562 Reff/8 0.75±0.20 1.67±0.05 3.83±0.07 2.87±0.16 2.12±0.10 3.09±0.06
Reff/4 0.77±0.24 1.60±0.06 3.81±0.06 2.81±0.08 2.01±0.12 3.03±0.05
Reff/2 0.87±0.49 1.76±0.10 4.01±0.08 2.40±0.17 1.41±0.19 2.77±0.10
Reff 0.99±0.30 1.61±0.11 3.74±0.08 2.56±0.13 1.82±0.12 2.86±0.06

UGC05771 Reff/8 1.44±0.38 2.15±0.39 4.01±0.06 2.55±0.19 1.81±0.22 2.96±0.10
Reff/4 0.94±0.52 1.90±0.25 3.67±0.10 2.64±0.12 2.21±0.22 2.99±0.08
Reff/2 0.50±0.31 1.83±0.15 3.48±0.10 2.28±0.12 1.23±0.20 2.47±0.09
Reff 0.68±0.47 1.91±0.20 3.11±0.10 2.19±0.08 1.48±0.14 2.39±0.06

UGC10693 Reff/8 -0.97±0.63 1.89±0.16 3.15±0.11 2.79±0.13 1.19±0.21 2.50±0.09
Reff/4 1.87±0.20 1.53±0.11 3.87±0.10 2.30±0.10 2.01±0.10 2.89±0.05
Reff/2 0.51±0.24 1.70±0.06 3.40±0.12 2.37±0.05 1.61±0.17 2.60±0.07
Reff 1.12±0.42 1.62±0.08 3.28±0.12 2.52±0.11 1.69±0.38 2.63±0.13

UGC10695 Reff/8 1.43±0.31 1.38±0.26 3.73±0.14 2.61±0.10 2.12±0.14 2.97±0.07
Reff/4 1.16±0.43 1.64±0.16 3.08±0.09 2.66±0.06 1.88±0.09 2.64±0.04
Reff/2 0.66±0.55 1.83±0.08 3.16±0.11 2.41±0.11 1.64±0.24 2.53±0.09
Reff 1.36±0.82 1.58±0.13 3.23±0.17 2.37±0.17 1.09±0.53 2.37±0.20

UGC12127 Reff/8 0.44±0.34 1.77±0.13 3.93±0.11 2.85±0.12 2.39±0.27 3.21±0.10
Reff/4 2.57±0.25 1.58±0.11 3.91±0.10 2.11±0.15 2.10±0.20 2.87±0.09
Reff/2 1.48±0.36 1.76±0.09 3.54±0.10 2.53±0.12 1.76±0.38 2.76±0.13

A-2



Bibliography

Table AII

NaD TiO1 [10−2] TiO2 [10−2] CaH1 [10−2]

NGC0499 Reff/8 4.85±0.11 4.46±0.21 9.15±0.29 -0.68±0.27
Reff/4 4.37±0.03 3.95±0.12 8.96±0.24 -0.74±0.22
Reff/2 4.01±0.07 3.77±0.14 8.00±0.35 -1.01±0.27
Reff 3.58±0.11 3.91±0.16 7.73±0.23 -0.66±0.24

NGC1349 Reff/8 3.61±0.12 2.89±0.23 7.77±0.20 0.50±0.53
Reff/4 3.13±0.11 2.86±0.16 7.40±0.18 -0.84±0.37
Reff/2 2.68±0.19 2.42±0.16 6.55±0.17 -0.50±0.53
Reff 2.07±0.21 2.03±0.12 5.56±0.18 -0.97±0.58

NGC5966 Reff/8 3.12±0.07 2.69±0.18 7.38±0.14 -0.57±0.13
Reff/4 2.69±0.15 2.66±0.14 6.96±0.15 -1.01±0.20
Reff/2 2.52±0.13 2.89±0.10 6.78±0.16 -0.23±0.17
Reff 2.34±0.14 2.62±0.11 6.14±0.14 -1.17±0.17

NGC6020 Reff/8 3.83±0.02 2.61±0.14 8.51±0.22 -0.27±0.20
Reff/4 3.03±0.07 2.68±0.15 7.10±0.23 -0.36±0.28
Reff/2 2.81±0.15 2.98±0.12 6.95±0.21 -0.15±0.26
Reff 2.46±0.11 3.39±0.16 5.31±0.44 -0.66±0.20

NGC6125 Reff/8 4.32±0.03 3.10±0.27 8.19±0.24 -0.61±0.34
Reff/4 3.67±0.07 3.40±0.17 7.41±0.18 -0.12±0.22
Reff/2 3.14±0.07 2.93±0.12 6.82±0.14 -0.84±0.32
Reff 2.75±0.07 3.04±0.07 6.69±0.16 -0.81±0.28

NGC6146 Reff/8 4.02±0.03 3.52±0.17 7.48±0.17 -1.57±0.35
Reff/4 3.62±0.03 3.83±0.22 7.07±0.13 -1.15±0.17
Reff/2 3.18±0.03 2.83±0.21 7.08±0.15 -1.46±0.11
Reff 2.64±0.06 2.73±0.17 7.12±0.18 -1.37±0.31

NGC6150 Reff/8 4.13±0.05 3.74±0.15 7.49±0.12 -1.14±0.18
Reff/4 3.99±0.04 3.64±0.16 7.66±0.18 -1.47±0.31
Reff/2 3.69±0.06 3.71±0.19 8.16±0.18 -1.49±0.29
Reff 3.50±0.05 3.17±0.19 7.75±0.14 -1.12±0.06

NGC6173 Reff/8 3.70±0.07 2.93±0.30 7.98±0.35 -1.05±0.25
Reff/4 3.00±0.07 2.80±0.14 7.53±0.18 -1.11±0.26
Reff/2 2.66±0.09 2.62±0.18 7.46±0.17 -1.10±0.26
Reff 2.95±0.12 1.45±0.80 8.47±1.18 1.07±0.54

NGC6338 Reff/8 4.03±0.19 2.05±0.73 8.22±0.38 -3.62±1.12
Reff/4 3.78±0.07 3.49±0.27 8.22±0.31 -2.00±0.47
Reff/2 3.50±0.05 3.29±0.22 7.22±0.24 -1.20±0.31
Reff 3.36±0.15 3.26±0.26 6.32±0.30 -1.50±0.48

NGC6411 Reff/8 2.91±0.10 2.33±0.21 7.41±0.29 -0.24±0.16
Reff/4 2.90±0.07 1.63±0.29 7.57±0.25 -0.62±0.22
Reff/2 2.51±0.09 2.30±0.15 6.38±0.23 -0.37±0.19
Reff 2.46±0.10 -0.35±0.79 -16.5±3.85 -5.82±6.84

NGC6515 Reff/8 3.59±0.10 3.47±0.17 6.57±0.17 -0.54±0.38
Reff/4 2.82±0.08 3.35±0.16 6.52±0.14 -0.71±0.30
Reff/2 2.48±0.09 2.80±0.10 5.97±0.17 -0.93±0.34
Reff 2.31±0.13 3.40±0.16 6.81±0.18 -0.64±0.44
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NaD TiO1 [10−2] TiO2 [10−2] CaH1 [10−2]

NGC7194 Reff/8 4.17±0.05 4.17±0.28 8.23±0.25 -1.84±0.51
Reff/4 3.93±0.04 4.32±0.25 7.66±0.19 -0.93±0.36
Reff/2 3.72±0.04 2.86±0.19 7.62±0.20 -1.50±0.30
Reff 3.57±0.09 2.99±0.16 8.14±0.30 -2.83±0.58

NGC7562 Reff/8 3.98±0.08 1.87±0.46 9.29±0.35 -0.59±0.26
Reff/4 3.69±0.08 2.01±0.38 8.84±0.32 -0.47±0.21
Reff/2 3.60±0.09 2.51±0.32 8.48±0.33 -0.05±0.28
Reff 3.43±0.08 2.31±0.26 7.70±0.33 0.01±0.29

UGC05771 Reff/8 3.68±0.05 3.95±0.11 7.58±0.16 -0.86±0.19
Reff/4 3.47±0.11 3.84±0.17 7.17±0.18 -0.58±0.13
Reff/2 3.04±0.08 3.97±0.18 7.15±0.22 -0.88±0.27
Reff 2.64±0.11 2.80±0.08 6.08±0.14 -0.49±0.22

UGC10693 Reff/8 4.05±0.08 3.74±0.25 7.82±0.25 -0.62±0.33
Reff/4 3.16±0.07 3.50±0.17 6.86±0.16 -0.87±0.17
Reff/2 2.84±0.07 2.83±0.14 7.20±0.16 -0.81±0.17
Reff 2.77±0.09 2.95±0.17 7.42±0.41 -1.38±0.30

UGC10695 Reff/8 4.25±0.03 3.29±0.11 7.01±0.14 -0.85±0.31
Reff/4 3.00±0.08 2.81±0.10 6.79±0.14 -0.65±0.25
Reff/2 2.34±0.14 3.40±0.14 6.69±0.20 -1.02±0.28
Reff 2.29±0.20 2.27±0.22 7.81±0.42 -1.57±0.39

UGC12127 Reff/8 3.94±0.08 3.90±0.24 7.70±0.26 -1.10±0.32
Reff/4 3.05±0.07 3.59±0.15 7.38±0.23 -1.40±0.44
Reff/2 2.90±0.05 2.82±0.18 7.49±0.20 -1.91±0.22
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Table AIII

x [M/H] [α/Fe] [Na/Fe] t (Gyr)

NGC0499 Reff/8 2.92±0.12 -0.25±0.04 N/A 0.51±0.22 11.97±1.13
Reff/4 2.95±0.31 0.07±0.16 0.20±0.10 0.18±0.24 10.50±1.61
Reff/2 1.92±0.25 -0.37±0.06 -0.24±0.07 0.47±0.07 12.07±0.97
Reff 2.58±0.49 -0.27±0.12 0.22±0.11 0.42±0.19 9.49±2.06

NGC1349 Reff/8 2.04±0.55 -0.22±0.09 0.18±0.10 0.11±0.14 11.19±2.73
Reff/4 2.09±0.26 -0.34±0.04 0.30±0.08 0.14±0.05 10.91±1.53
Reff/2 1.88±0.15 -0.50±0.08 0.04±0.19 0.18±0.13 8.74±2.07
Reff 1.71±0.17 -0.70±0.21 -0.14±0.05 0.01±0.10 9.77±1.82

NGC5966 Reff/8 2.33±0.21 -0.36±0.12 -0.10±0.79 0.35±0.04 9.33±1.44
Reff/4 1.92±0.15 -0.45±0.04 0.11±0.05 0.13±0.07 9.86±0.78
Reff/2 2.10±0.14 -0.46±0.04 -0.02±0.05 0.15±0.05 9.93±0.73
Reff 1.69±0.16 N/A 0.02±0.05 0.15±0.04 9.99±0.69

NGC6020 Reff/8 3.31±0.51 -0.07±0.10 -0.17±0.07 0.15±0.04 8.20±1.19
Reff/4 2.03±0.29 -0.35±0.04 0.20±0.07 0.19±0.11 7.76±1.55
Reff/2 2.21±0.20 -0.69±0.20 0.01±0.24 0.25±0.05 9.86±0.81
Reff 2.51±0.23 -0.82±0.29 0.14±0.06 0.15±0.04 7.77±1.15

NGC6125 Reff/8 3.41±0.13 0.02±0.13 -0.08±0.07 0.12±0.12 4.72±1.51
Reff/4 2.45±0.37 -0.20±0.08 0.08±0.06 0.36±0.08 9.20±1.80
Reff/2 2.06±0.30 -0.29±0.08 0.20±0.12 0.34±0.05 7.20±1.98
Reff 1.88±0.13 -0.45±0.04 0.11±0.05 0.25±0.04 9.76±1.03

NGC6146 Reff/8 2.62±0.32 -0.35±0.04 -0.52±0.26 0.48±0.10 7.22±1.71
Reff/4 3.13±0.08 0.05±0.04 0.28±0.03 0.15±0.04 N/A
Reff/2 1.76±0.13 -0.05±0.04 0.02±0.02 0.04±0.09 4.00±0.68
Reff 2.12±0.42 -0.35±0.10 0.08±0.10 -0.12±0.11 7.91±1.93

NGC6150 Reff/8 1.96±0.14 -0.35±0.03 N/A 0.50±0.07 9.99±0.71
Reff/4 2.23±0.38 -0.32±0.12 0.15±0.19 0.40±0.08 11.43±1.54
Reff/2 2.30±0.19 -0.24±0.04 0.25±0.05 0.13±0.07 11.95±1.29
Reff 2.21±0.49 -0.21±0.11 0.31±0.11 0.15±0.03 11.67±2.22

NGC6173 Reff/8 2.74±0.34 -0.54±0.09 -0.15±0.05 0.50±0.07 10.43±1.36
Reff/4 2.47±0.52 -0.18±0.09 -0.04±0.07 -0.29±0.23 7.91±2.43
Reff/2 2.05±0.30 -0.31±0.07 0.00±0.06 -0.13±0.10 10.90±1.67
Reff 2.65±0.58 -0.13±0.17 0.22±0.10 -0.02±0.20 7.27±3.60

NGC6338 Reff/8 2.69±0.50 -0.10±0.11 0.24±0.12 0.13±0.25 8.97±3.15
Reff/4 2.22±0.32 -0.06±0.09 0.06±0.06 -0.08±0.12 11.66±1.55
Reff/2 1.98±0.32 -0.25±0.04 0.18±0.06 0.19±0.14 9.68±1.31
Reff 1.88±0.21 -0.47±0.07 -0.19±0.07 0.45±0.10 7.47±2.16

NGC6411 Reff/8 2.78±0.26 -0.27±0.06 -0.05±0.04 -0.03±0.08 6.53±1.36
Reff/4 2.31±0.26 -0.35±0.04 0.12±0.06 0.16±0.06 6.03±0.70
Reff/2 1.91±0.21 -0.34±0.04 -0.04±0.04 -0.05±0.05 6.03±0.70
Reff 1.96±0.23 -0.65±0.19 -0.07±0.09 0.14±0.07 9.58±1.60

NGC6515 Reff/8 1.79±0.12 -0.45±0.03 N/A 0.46±0.08 6.01±0.68
Reff/4 1.90±0.13 -0.45±0.04 0.08±0.05 0.17±0.10 9.89±0.76
Reff/2 1.82±0.12 -0.36±0.04 -0.02±0.02 0.04±0.08 6.25±1.72
Reff 2.27±0.22 -0.50±0.07 0.16±0.10 0.12±0.07 8.00±2.03
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x [M/H] [α/Fe] [Na/Fe] t (Gyr)

NGC7194 Reff/8 1.88±0.49 -0.33±0.16 N/A 0.47±0.08 11.80±3.30
Reff/4 2.92±0.38 -0.15±0.04 0.16±0.04 0.18±0.12 8.33±1.22
Reff/2 1.84±0.13 -0.25±0.04 0.08±0.04 0.25±0.07 12.20±0.88
Reff 2.47±0.39 -0.14±0.07 -0.11±0.07 -0.04±0.12 11.12±3.13

NGC7562 Reff/8 3.39±0.09 -0.05±0.04 -0.02±0.02 0.05±0.09 6.05±0.72
Reff/4 2.57±0.64 -0.10±0.11 0.03±0.10 -0.11±0.08 8.01±3.18
Reff/2 3.23±0.21 -0.16±0.04 0.27±0.05 0.30±0.13 6.26±1.34
Reff 2.39±0.52 -0.20±0.07 0.16±0.10 0.06±0.11 8.15±2.11

UGC05771 Reff/8 3.19±0.09 -0.05±0.05 0.37±0.05 0.12±0.08 4.07±0.92
Reff/4 2.71±0.37 -0.16±0.10 0.15±0.09 0.05±0.13 6.61±1.82
Reff/2 2.52±0.44 -0.33±0.07 0.23±0.08 0.17±0.14 5.86±1.61
Reff 1.71±0.16 -0.45±0.04 0.07±0.05 0.16±0.06 6.04±0.70

UGC10693 Reff/8 3.21±0.31 -0.17±0.10 0.19±0.14 0.26±0.16 4.67±2.83
Reff/4 2.02±0.30 -0.31±0.07 0.31±0.12 0.15±0.04 9.12±1.68
Reff/2 2.24±0.16 -0.37±0.06 0.03±0.05 0.13±0.07 8.26±1.25
Reff 1.93±0.28 -0.34±0.06 0.02±0.05 0.02±0.10 10.01±1.15

UGC10695 Reff/8 2.13±0.38 -0.24±0.07 -0.14±0.24 0.35±0.05 8.41±2.15
Reff/4 2.29±0.34 -0.27±0.07 -0.09±0.04 -0.05±0.11 7.71±1.81
Reff/2 2.25±0.28 -0.38±0.07 0.07±0.11 -0.01±0.11 6.91±1.76
Reff 2.30±0.45 -0.46±0.09 0.10±0.15 -0.04±0.15 10.61±2.34

UGC12127 Reff/8 2.89±0.63 0.03±0.12 0.14±0.10 0.06±0.12 5.43±2.97
Reff/4 1.96±0.34 -0.35±0.04 0.37±0.04 0.15±0.04 11.65±1.47
Reff/2 2.52±0.50 -0.27±0.09 0.01±0.06 -0.08±0.22 8.10±1.99
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Appendix B

In this Appendix we present the spectra of the galaxies at every used Lick/IDS wavelength interval.
Every image includes a table with the measured values of the indices. Every plot consists of four lines
normalized over their respective intervals. The Reff/8, Reff/4, Reff/2, and Reff are plotted with a solid,
dashed, dashed-dotted, and dotted line respectively. The red vertical dotted lines represents the index
band that defined the Lick/IDS index. Cursive numbers in the table are outliers and are discussed in
Section 5.2. The order of the figures is as follows:

I NGC0499

II NGC1349

III NGC5966

IV NGC6020

V NGC6125

VI NGC6146

VII NGC6150

VIII NGC6173

IX NGC6338

X NGC6411

XI NGC6515

XII NGC7194

XIII NGC7562

XIV UGC05771

XV UGC10693

XVI UGC10695

XVII UGC12127
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