
7.The Evolution of Stars – a schematic picture 
(Heavily inspired on Chapter 7 of Prialnik)

In the previous chapters we have seen that the timescale of stellar evolution is set by
the (slow) rate of consumption of nuclear fuel. The rate of nuclear burning increases
with density and rises sharply with temperature, and the structure equations of a star
show that both the temperature and the density decrease from the center outwards. 
We may therefore conclude that the evolution of a star is led by the central region or
core, with the outer regions lagging behind. Changes in composition first occur in the
core, and as the core is gradually depleted of each nuclear fuel, the evolution of the
star progresses.

We can therefore learn a lot about the evolution of stars by studying the changes that
occur in its center. To do this, we consider the diagram of T c  and �c . From these
quantities, together with the composition, we can calculate the whole evolution of the
star. In the diagram of T c and �c the time evolution of a star will be a track. Since
the only property that distinguishes the evolutionary track of a star from that of any
other star of the same composition is its mass, we will get different lines in this plane
for different masses.

All the processes that occur in a star have characteristic temperature and density
ranges, so the different combinations of temperature and density will determine the
state of the stellar material, and the dominant physical processes that are expected to
occur. In this way we can divide the (T, ρ) diagram into zones representing different
physical states or processes. By looking at the position of stars in this diagram as a
function of time and mass, we should be able to trace the processes that make up the
evolution of a star.

7.1Zones of the equation of state



Fig. 1: Mapping the temperature-density diagram according to the equation of state.

The most common state of the gas that we find in stars is the ideal gas state for both
components: ions and electrons. We can then write the equation of state as:

P= R
�
�T=K 0�T , where K 0 is a constant. 

At high density and relatively low temperature the electrons become degenerate, and,
since their contribution to the pressure is dominant, we can then write

P= K 1�
5
3

The transition from one state to another is gradual with the change in density and
temperature, but we can draw in Fig. 1 an approximate boundary in the (T, ρ) plane. 

This line has to be (from the previous 2 equations):
log�=1.5 logT� constant

which is a straight line with slope 1.5 in Fig. 1. Above it lies the electron degeneracy



zone, and below it the ideal gas zone. 
For still higher densities, relativistic effects play a role, and the equation of state
becomes:

P= K 2 �
4
3

The boundary between the ideal gas zone and the relativistic degeneracy zone is then
given by

log�=3 logT�constant

This means that the boundary between the ideal gas zone and the electron degeneracy
zone becomes steeper as the density increases.
Within this zone, the transition from relativistic to non-relativistic occurs when the
rise in pressure with increasing density becomes constrained by the limiting velocity
c. We are in this case when
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This is a horizontal line in Fig. 1.
In the ideal gas zone radiation pressure has been neglected. Its contribution to the total
pressure becomes important, however, at high temperatures and low densities and
SHOULD be added to the gas pressure. Eventually, radiation pressure will become
dominant, with the equation of state changing to

P= 1
3

a T 4

The boundary between this zone and the ideal gas zone, again, is of the form:

log�=3 logT�constant

7.2Zones of nuclear burning

A nuclear burning process becomes important in a star whenever the rate of energy
release by this process constitutes a significant fraction of the rate at which energy is
radiated away (which is the stellar luminosity). Since nuclear reaction rates are very
sensitive to the temperature, one can define threshold lines in the (T, ρ) diagram: on 
one side of the threshold the rate of burning can be considered negligible, while on the
other side it is considerable. These threshold lines are shown in Fig. 2.



Fig. 2: Mapping the temperature-density diagram according to nuclear processes.

We consider 6 different stages of nuclear burning: the P-P cycle, the CNO cycle,
helium burning into carbon through the 3α reaction, carbon burning, oxygen burning
and silicon burning. Considering

�= �0�
mT n

in most cases m=1, and n>>1,  hence the thresholds are almost vertical lines, except
for the P-P cycle. 
Nucleosynthesis ends with iron. Iron nuclei heated to very high temperatures are
disintegrated by energetic photons into helium nuclei (α-particles). This energy
absorbing process reaches equilibrium with the relative abundance of iron to helium
nuclei determined by the values of temperature and density. A final threshold may be
defined by requiring that the number of helium and iron nuclei are approximately
equal (see Fig. 2).

7.3Unstable zones

Here we will just postulate (this was not discussed in the lectures) that the condition
of dynamical stability is ��4 /3 . So in regions with γ< 4/3 the stellar models might



be expected to become unstable. These are the far extremes of the relativistic
degeneracy zone III and the radition pressure dominated zone IV (and also the iron
photodisintegration zone). Another zone is unstable due to pair production (very high
T and low density, see Fig. 3). All this means that there is a relatively small zone
remaining for possible evolutionary tracks of stars. To finish, nuclear burning is
thermally unstable in degenerate gases, relativistic or non-relativistic. So for that
reason also the nuclear burning thresholds in Fig. 2 have been discontinued after
crossing the boundary into the degeneracy zone II.

Fig. 3: Outline of the stable and unstable zones in the temperature-density diagram.

7.4Evolutionary tracks in the (T, ρ) plane

The question is now, where a star of mass M can be found in the (T, ρ) plane. To
answer this, we use a polytropic model. For a polytrope, we have seen that we have
the following relation between central density and pressure:

P c= 4�
1
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This relation depends only slightly on n , especially for stable polytropes, for which
n lies between 1.5 and 3. Although a star in hydrostatic equilibrium is not a polytrope,
this equation does provide a good approximation. Apart from this relation, the central
pressure is related to the central density and temperature by the equation of state.
Within the different zones of the (T c , �c ) plane we have different equations of
state. Combining them with equation (*) we can eliminate P c to obtain a relation
between �c and T c . For example, for an ideal gas, we have
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This means that we can not put a number of parallel lines in our diagram for various
values of M (see Fig. 4). 

Fig. 4: Relation of central density to central temperature for stars of different masses
within the stable ideal gas and degenerate gas zones. 

In zone II (non-relativistic degenerate electrons) we have the following equation of

state, P= K 1�
5
3 , leading to
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Hence �c is independent of T c , and we have for each mass a corresponding
horizontal line in the T c ,�c plane. These lines can be joined, for low masses, to
lines with slope 3 in the ideal gas part of the diagram. 
We have seen that the maximum mass a degenerate star can have is 1.44 M Sun , the
Chandrasekhar limit. One can see that the paths for masses smaller than this will
eventually bend into the degenerate region, while paths for higher mass stars will
remain straight. 
To conclude, a star of fixed mass M has its own distinct track in the T c ,�c plane.
There are two distinct shapes: straight for M�M Ch and knee-shaped for M�M Ch .
We can understand the relationship between tracks of different masses as follows:
when mass is increased, gravity becomes more important, so a higher pressure is
required to counterbalance gravity. In an ideal gas this can be done with a higher
density or a higher temperature. A higher density, however, implies smaller distances
between particles, causing larger gravitational forces. Since the hydrostatic pressure is
proportional to a higher power of the density than the gas pressure (4/3 as opposed to
1) a higher density would only worsen the imbalance. So for a higher mass a lower
density or a higher temperature is required. In the case of a degenerate electron gas,
the temperature is less important. Now the hydrostatic pressure is proportional to a
lower power of the density than the gas pressure (4/3 vs. 5/3) so that a higher density
is required for equilibrium in a more massive star. 

The journey of a star



Fig. 5: Schematic illustration of the evolution of stars according to their central
temperature-density tracks.

In Fig. 5 we have combined all the previous figures. We will now choose a mass,
identify its path and follow the journey of a star along it.

Stars form in gaseous clouds, with much lower densities and temperatures than we are
used to here. At the beginning, a star radiates energy without a central energy source,
which means that it contracts and heats up (we saw this in Chapter 2). In the

T c ,� c plane this means that the stars ascends along its track �M towards higher
temperatures and densities. Eventually it will cross the first nuclear burning threshold.
At this point hydrogen is ignited in the centre, and the star adjusts into thermal
equilibrium. The star then stops for a long time, until hydrogen in the centre is
exhausted. Note that for low masses the track crosses the P-P track, while for high
masses the CNO-track is crossed. So stars are expected to burn hydrogen differently
according to their masses. 

For more massive stars radiation pressure becomes more and more important,
eventually dominating gas pressure. Because of this, stars cannot be more massive 
than about 100 M Sun (an example of such a massive star is η Car).
The T c ,� c diagram can also be used to infer a lower limit to the stellar mass range.



Since the hydrogen burning threshold does not extend to temperatures below a few
million K, the highest value of M for which �M still touches this threshold can be
regarded as the lower stellar mass limit. Objects of lower masses will never ignite
nuclear fuel. These objects (of mass < 0.1 M Sun ) are called brown dwarfs.

Let's continue with stars that do burn nuclear fuel. When the hydrogen in the center is
finally exhausted the star will lose energy again, and will have to contract its core to
compensate for it. This means that it will heat up. For low-mass stars, �M will cross
into the degeneracy zone and bend to the left. The pressure exerted by the degenerate
electrons is enough to counteract gravity. Contraction slows down, and the star cools
while radiating the accumulated thermal energy, tending to a constant density and
radius, determined by M. The higher the mass, the higher the final density and the
lower the final radius.
For higher mass stars �M will cross the next nuclear burning threshold. Helium will
now ignite the core, and we have another phase of thermal equilibrium. After
exhausting helium, we have more contraction, and some stars develop degenerate
cores, moving towards the left. This means that there are two kinds of degenerate
stars: some with helium cores, and others with cores of carbon and oxygen.

A star of mass M Ch can in principle continue burning fuel without becoming
degenerate. However, since its track is very close to the degenerate zone instabilities
might easily occur. For higher masses more nuclear burning thresholds will be
crossed. These massive stars undergo contraction and heating plases alternating with
thermal equilibrium burning of heavier and heavier nuclear fuels until their cores
consist of iron. Further heating of iron inevitably leads to its photodisintegration, a
highly unstable process. These stars will end as supernovae.

Stars of very large masses  have tracks�M that enter the instability zone before
crossing the burning thresholds of heavy elements. They are therefore expected to be
extremely short-lived, developing pair-production instabilities that will result in a
catastrophic event, like a Supernova explosion. 

We can summarise by stating that stars can exist with masses between about 0.1 and
100 solar masses. All start with hydrogen burning in their centres. When, however,
hydrogen is exhausted in the centre, evolution will proceed differently for different
masses. Those under M=M Ch contract and cool off after completion of hydrogen or
helium burning. Stars above this critical mass undergo all the nuclear burning
processes, ending with iron synthesis. Subsequent heating of the core develops into a
highly unstable state, ending in a catastrophic collapse or explosion. Stars of very
high mass may reach dynamical instability sooner, due to pair production. 

7.5.The late evolutionary stages in the T c ,� c diagram



Fig. 6: Schematic illustration of the stellar configuration in different evolutionary
phases for a 10 M Sun star (A,B,C,D,E) and a white dwarf (WD). 
 

Instead of using the T c ,� c diagram just for the centre, one can also use it to
describe the structure of a star at a given evolutionary stage. A star can be represented
as a line (Fig. 6) connecting the center with the photosphere. The exact shape of these
lines can be complicated – only polytropes are straight lines in the diagram. In Fig. 6 a
number of lines are plotted with the start of all lines on the track �10 from Section
7.4. These lines may be considered the evolving structure of the star. Line A can be
considered the main sequence. The next line B describes the star at a later stage when
the hydrogen has been depleted in the core. On track B hydrogen is burning at the
point where it crosses the hydrogen burning threshold. This indicates that hydrogen
burns in a shell outside the helium core. The region interior to it, consisting of
homogeneous helium, is contracting and heating up. 

Assuming that the contraction of the core occurs quasi-statically, on a timescale much
larger than the dynamical timescale, we can assume that the Virial Theorem holds. If
the amount of energy gained during this phase is negligible compared to the total 
energy, we may assume that energy is constant. In such a case we may assume that
both gravitational potential energy and thermal energy are conserved. For this reason
contraction of the core must be accompanied by expansion of the envelope. Heating
of the core will result in cooling of the envelope. On track B the surface temperature



drops, so that the star becomes redder. It becomes a Red Giant. One can show that a
moderate amount of core contraction has to be compensated by a large amount of
expansion of the envelope.  If the total energy does not remain constant but increases,
then the core will heat up even more, so there will be more expansion. If the total
energy of the star decreases the envelope might either contract, expand or remain
unchanged. 

When the He ignition temperature is finally reached, core contraction stops (line C).
Now there is helium burning in the core and hydrogen burning in a shell. This is a
stable phase, and is called the Horizontal Branch. When helium in the core itself is
exhausted, another phase of contraction and envelope expansion sets in. Since the
core is now more condensed, envelope expansion is even more pronounced. Now a
star will evolve into a Supergiant (this is the AGB phase, the Asymptotic Giant
Branch, line D). Now there are 2 shells burning. The star looks like an onion with a
central region of C, N and O, a shell of helium, and the hydrogen-rich envelope. The
hydrogen burning shell feeds fresh fuel to the helium burning one, so both move
outwards. This process is quite complicated and often unstable, leading to variability.
Some of the most massive stars will even reach phase E, burning C, N and O. 

7.6Problems with this simple picture

In this chapter, we have given a schematic picture of the evolution of stars. One
should not forget that this is only schematic – real models will have to rely on
complicated numerical calculations. There are however, as expected, a number of
problems with this picture. For example, stars as massive as 7-9 M Sun end up as
white dwarf, i.e., degenerate stars. We mentioned before that this would only happen
for stars with mass M�M Ch=1.44M Sun  . How can these stars lose almost all their
mass? Another indication comes the fact that in the solar neighbourhood white dwarfs
are found with masses of M=0.4M Sun . Stars with such low masses evolve very
slowly, and would never have been able to reach this stage in a Hubble time, i.e., in
the time since the Big Bang. 
As it turns out, stars lose a significant fraction of mass by stellar winds, in which gas
and dust is blown away from the star. Mass loss for massive stars can be as high as

10� 4 M Sun/ year for very massive stars. This means that stars  do not stay on the same
track �M , but move to different tracks �M ' , where they will behave as stars of
mass M ' . Since no simple model of mass loss is available, this cannot be very
easily implemented in a schematic picture.

Another process that was neglected in the previous picture was neutrino emission in
dense cores, which has the effect of cooling the stars. As the rise in temperature
between late burning stages is impeded by neutrino cooling, the slope of the �M

curves should become somewhat steeper than 3. But doesn't change anything
qualitative of the picture. 



What we haven't been able to predict are 

� time scales
� detailed prediction of the outer appearance of stars

For that reason, we cannot compare these models with observations; to do so we need
to go to more detailed models.


